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ABSTRACT
The surface rotation rates of young solar-type stars vary rapidly with age from the end of
the pre-main sequence through the early main sequence. Important changes in the dynamos
operating in these stars may result from this evolution, which should be observable in their
surface magnetic fields. Here we present a study aimed at observing the evolution of these
magnetic fields through this critical time period. We observed stars in open clusters and stellar
associations of known ages, and used Zeeman Doppler imaging to characterize their complex
magnetic large-scale fields. Presented here are results for 15 stars, from five associations, with
ages from 20 to 250 Myr, masses from 0.7 to 1.2 M⊙, and rotation periods from 0.4 to 6 d.
We find complex large-scale magnetic field geometries, with global average strengths from
14 to 140 G. There is a clear trend towards decreasing average large-scale magnetic field
strength with age, and a tight correlation between magnetic field strength and Rossby number.
Comparing the magnetic properties of our zero-age main-sequence sample to those of both
younger and older stars, it appears that the magnetic evolution of solar-type stars during the
pre-main sequence is primarily driven by structural changes, while it closely follows the stars’
rotational evolution on the main sequence.

Key words: techniques: polarimetric – stars: formation – stars: imaging – stars: magnetic
field – stars: rotation – stars: solar-type.

1 IN T RO D U C T I O N

Solar-type stars undergo a dramatic evolution in their rotation rates
as they leave the pre-main sequence (PMS) and settle into the main
sequence (MS; for a recent review see Bouvier 2013). Early on the
PMS stellar rotation rates are regulated, likely due to interactions
between a star and its disc. Eventually, after a few Myr, solar-type
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†E-mail: folsomc@ujf-grenoble.fr

stars decouple from their discs and around this time the disc begins
dissipating. Since the stars are still contracting on the PMS, they
spin up. On a slower time-scale, solar-type stars lose angular mo-
mentum through a magnetized wind. Thus once a star has reached
the MS it begins to spin down (e.g. Schatzman 1962; Skumanich
1972; Mestel & Spruit 1987). Since solar-type stars have dynamo-
driven magnetic fields, there is likely an important evolution in their
magnetic properties over this time period. Such changes in magnetic
properties could be driven both by changes in rotation rate and by
changes in the internal structure of PMS stars (e.g. Gregory et al.
2012). In turn, stellar magnetic fields play a key role in angular mo-
mentum loss. Thus understanding these magnetic fields is critical
for understanding the rotational evolution of stars (e.g. Vidotto et al.
2011; Matt et al. 2012; Réville et al. 2015).

Rotation rates deeper in a star may differ somewhat from this
description of observed surface rotation rates. During the spin-
down phase angular momentum is lost from the surface of a star,
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potentially creating enhanced radial differential rotation. Recent ro-
tational models by Gallet & Bouvier (2013, 2015) use differences
between the core and envelope rotation rates to explain the evolution
of observed surface rotation rates. These models predict a period
of greatly enhanced radial differential rotation as a star reaches the
MS. Other models of the rotational evolution of stars also have im-
portant impacts on the magnetic properties of these stars, such as
the ‘Metastable Dynamo Model’ of Brown (2014).

The large-scale magnetic fields of MS solar-type stars were first
observed in detail many years ago (e.g. Donati & Collier Cameron
1997), and more recently the magnetic strengths and geometries of
these stars have been characterized for a significant sample of these
stars (e.g. Petit et al. 2008). Some trends are apparent: there are
clearly contrasting magnetic properties between solar-like stars and
M-dwarfs (Morin et al. 2008, 2010). There is some evidence for a
correlation between more poloidal magnetic geometries and slow
rotation rates (Petit et al. 2008). With a large sample of stars, there
appears to be trends in large-scale magnetic field strength with age
and rotation (Vidotto et al. 2014). Zeeman broadening measure-
ments from Saar (1996) and Reiners, Basri & Browning (2009) find
trends in the small-scale magnetic field strength with rotation and
Rossby number, particularly for M-dwarfs. Donati & Landstreet
(2009) provide a detailed review of magnetic properties for a wide
range of non-degenerate stars. Currently, the BCool collaboration
is carrying out the largest systematic characterization of magnetic
fields in MS solar-type stars, with early results in Marsden et al.
(2014) and Petit et al. (in preparation).

On the PMS, large-scale magnetic fields have been observed and
characterized for a large number of stars (e.g. Donati et al. 2008a,
2010, 2011a). These observations are principally from the ‘Mag-
netic Protostars and Planets’ (MaPP) and ‘Magnetic Topologies
of Young Stars and the Survival of massive close-in Exoplanets’
(MaTYSSE) projects. There are clear differences between the mag-
netic properties of T Tauri stars (TTS) and older MS stars, which
seem to be a consequence of the internal structure of the star (Gre-
gory et al. 2012). This appears to be similar to the difference between
MS solar mass stars and M-dwarfs (Morin et al. 2008).

We aim to provide the first systematic study of the magnetic
properties of stars from the late PMS through the zero-age main
sequence (ZAMS) up to ∼250 Myr. This covers the most dramatic
portion of the rotational evolution of solar mass stars. Observations
of a few individual stars in this age and mass range have been
made (e.g. HD 171488, Jeffers & Donati 2008; Jeffers et al. 2011;
HD 141943, Marsden et al. 2011; HD 106506, Waite et al. 2011;
HN Peg, Boro Saikia et al. 2015; HD 35296 and HD 29615, Waite
et al. 2015), but to date only a modest number of stars have been
observed on an individual basis.

In this paper we focus on young (not accreting) stars, in the
age range 20–250 Myr, and in the restricted mass range from 0.7
to 1.2 M⊙. This fills the gap between the TTS observations of
MaPP and MaTYSSE and the older MS observations of BCool. The
observations focus on stars in young clusters and associations, in
order to constrain stellar ages. Spectropolarimetric observations and
Zeeman Doppler imaging (ZDI) are used to determine the strength
and geometry of the large-scale stellar magnetic fields. This work
is being carried out as part of the ‘TOwards Understanding the sPIn
Evolution of Stars’ (TOUPIES) project.1 Observations are ongoing
in the large programme ‘History of the Magnetic Sun’ (HMS) at the
Canada–France–Hawaii Telescope (CFHT). Future papers in this

1 http://ipag.osug.fr/Anr_Toupies/

series will expand the size of the sample, and extend the age range
up to 600 Myr.

2 O BSERVATIONS

We obtained time series of spectropolarimetric observations using
the ESPaDOnS instrument at the CFHT (Donati 2003; see also
Silvester et al. 2012), and the Narval instrument (Aurière 2003) on
the Télescope Bernard Lyot (TBL) at the Observatoire du Pic du
Midi, France. Narval is a direct copy of ESPaDOnS, and thus virtu-
ally identical observing and data reduction procedures were used for
observations from the two instruments. ESPaDOnS and Narval are
both high-resolution échelle spectropolarimeters, with R ∼ 65 000
and nearly continuous wavelength coverage from 3700 to 10 500 Å.
The instruments consist of a Cassegrain mounted polarimeter mod-
ule, which is attached by optical fibre to a cross-dispersed bench
mounted échelle spectrograph. Observations were obtained in spec-
tropolarimetric mode, which obtains circularly polarized Stokes V
spectra, in addition to the total intensity Stokes I spectra. Data re-
duction was performed with the LIBRE-ESPRIT package (Donati et al.
1997), which is optimized for ESPaDOnS and Narval, and per-
forms calibration and optimal spectrum extraction in an automated
fashion.

Observations for a single star were usually obtained within a two-
week period, and always over as small a time period as practical, (in
individual cases this ranged from one to four weeks, as detailed in
Table 1). This was done in order to avoid any potential intrinsic evo-
lution of the large-scale stellar magnetic field. Observations were
planned to obtain a minimum of 15 spectra, distributed as evenly
as possible in rotational phase, over a few consecutive rotational
cycles. However, in some cases fewer observations were achieved
due to imperfect weather during our two-week time frame. A min-
imum target signal-to-noise (S/N) of 100 was used, although this
was increased for earlier type stars and slower rotators, which were
expected to have weaker magnetic fields. A few observations fell
below this target value, and a detailed consideration of the poten-
tial impact of low S/N on spurious signals, and how to avoid this
spurious signal, are discussed in Appendix B. A summary of the
observations obtained can be found in Table 1.

2.1 Sample selection

Our observations focus on well-established solar-type members of
young stellar clusters and associations, in order to provide relatively
accurate ages. In this paper we focus on stars younger than 250 Myr,
but in future papers we will extend this to 600 Myr. In order to
provide the high S/N necessary to reliably detect magnetic fields,
the sample is restricted to relatively bright targets, V < 12, and
hence nearby stellar associations and young open clusters.

We attempt to focus on stars with well-established rotation peri-
ods in the literature. The current sample includes stars with rotation
periods between 0.42 and 6.2 d; however the majority of the stars
have periods between 2 and 5 d.

So far the study has focused on stars between G8 and K6 spectral
types (Teff approximately from 5500 to 4500 K, with one hotter
6000 K star). This provides a sample of stars with qualitatively
similar internal structure, consisting of large convective envelopes
and radiative cores. Focusing on stars slightly cooler than the Sun
has the advantage of selecting stars with stronger magnetic fields,
due to their larger convective zones, and increasing our sensitivity to
large-scale magnetic fields, through the increased number of lines
available to least-squares deconvolution (LSD; see Section 2.2).
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582 C. P. Folsom et al.

Table 1. Summary of observations obtained. Exposure times are for a full sequence of four sub-exposures, and the S/N values are the peak for V spectrum
(per 1.8 km s−1 spectral pixel, typically near 730 nm).

Object Coordinates Assoc. Dates of Telescope Integration Num. S/N
(RA, Dec.) observations semester time (s) Obs. range

HII 296 03:44:11.20, +23:22:45.6 Pleiades 2009 October 13–30 TBL 09B 3600 18 70–110
HII 739 03:45:42.12, +24:54:21.7 Pleiades 2009 October 4–November 1 TBL 09B 3600 17 140–270
HIP 12545 02:41:25.89, +05:59:18.4 β Pic 2012 September 25–29 CFHT 12B 640 16 110–130
BD-16351 02:01:35.61, −16:10:00.7 Columba 2012 September 25–October 1 CFHT 12B 600 16 70–100
HIP 76768 15:40:28.39, −18:41:46.2 AB Dor 2013 May 18–30 CFHT 13A 800 24 110–150
TYC 0486-4943-1 19:33:03.76, +03:45:39.7 AB Dor 2013 June 24–July 1 CFHT 13A 1400 15 95–120
TYC 5164-567-1 20:04:49.36, −02:39:20.3 AB Dor 2013 June 15–July 1 CFHT 13A 800 19 100–130
TYC 6349-0200-1 20:56:02.75, −17:10:53.9 β Pic 2013 June 15–30 CFHT 13A 800 16 120–130
TYC 6878-0195-1 19:11:44.67, −26:04:08.9 β Pic 2013 June 15–Jul 1 CFHT 13A 800 16 110–140
PELS 031 03:43:19.03, +22:26:57.3 Pleiades 2013 November 15–23 CFHT 13B 3600 14 90–150
DX Leo 09:32:43.76, +26:59:18.7 Her-Lyr 2014 May 7–18 TBL 14A 600 8 250–295
V447 Lac 22:15:54.14, +54:40:22.4 Her-Lyr 2014 June 7–July 16 TBL 14A 600 7 187–227
LO Peg 21:31:01.71, +23:20:07.4 AB Dor 2014 August 16–31 TBL 14A 600 47 70–124
V439 And 00:06:36.78, +29:01:17.4 Her-Lyr 2014 September 1–27 TBL 14B 180 14 182–271
PW And 00:18:20.89, +30:57:22.2 AB Dor 2014 September 3–19 TBL 14B 1000 11 161–194

Having some spread in Teff is valuable, as this allows us to consider
variations in magnetic field as a function of the varying convective
zone depths.

Details on individual targets are included in Appendix A. The
physical parameters of individual targets are presented in Table 2
and Fig. 3.

2.2 Least-squares deconvolution

LSD (Donati et al. 1997; Kochukhov, Makaganiuk & Piskunov
2010) was applied to our observations, in order to detect and char-
acterize stellar magnetic fields. LSD is a cross-correlation technique
which uses many lines in the observed spectrum to produce effec-
tively a ‘mean’ observed line profile, with much higher S/N than
any individual line. Line masks, needed as input for LSD, were
constructed based on data extracted from the Vienna Atomic Line
Database (VALD; Ryabchikova et al. 1997; Kupka et al. 1999),
using ‘extract stellar’ requests. The line masks were constructed
assuming solar chemical abundances, and using the effective tem-
perature and surface gravity for each star found in Section 3.1 (and
Table 2), rounded to the nearest 500 K in Teff and 0.5 in log g.
The line masks used lines with a VALD depth parameter greater
than 0.1, and lines from 500 to 900 nm excluding Balmer lines (see
Appendix B for a discussion of the wavelength range used), and
include ∼3500 lines.

The normalization of the LSD profiles is intrinsically somewhat
arbitrary (Kochukhov et al. 2010), as long as the normalization
values are used self-consistently throughout an analysis. We used
the same normalization for all stars in the sample, with the values
taken from the means from a typical line mask. The normalizing
values were a line depth of 0.39, Landé factor of 1.195, and a
wavelength of 650 nm. This normalization has no direct impact on
our results, as long as the normalization values are consistent with
the values used for measuring Bℓ (equation 2) and for modelling
Stokes V profiles in ZDI.

The resulting LSD profiles were used to measure longitudinal
magnetic fields and radial velocities, as well as input for ZDI. Sam-
ple LSD profiles for all our stars are plotted in Fig. A1.

3 FU N DA M E N TA L PH Y S I C A L PA R A M E T E R S

3.1 Spectroscopic analysis

3.1.1 Primary analysis

Many of the stars in this study have poorly determined physical
parameters in the literature, and in several cases no spectroscopic
analysis. Thus in order to provide precise self-consistent physical
parameters, we performed a detailed spectroscopic analysis of all
the stars. The same high-resolution spectra with a wide wavelength
range that are necessary to detect magnetic fields in Stokes V are
also ideal for spectroscopic analysis in Stokes I.

The observations were first normalized to continuum level, by
fitting a low-order polynomial to carefully selected continuum re-
gions, and then dividing the spectrum by the polynomial. The quan-
titative analysis proceeded by fitting synthetic spectra to the ob-
servations, by χ2 minimization, and simultaneously fitting for Teff,
log g, v sin i, microturbulence, and radial velocity. Synthetic spec-
tra were calculated using the ZEEMAN spectrum synthesis program
(Landstreet 1988; Wade et al. 2001), which solves the polarized
radiative transfer equations assuming local thermodynamic equi-
librium (LTE). Further optimizations for negligible magnetic fields
were used (Folsom et al. 2012; Folsom 2013), and a Levenberg–
Marquardt χ2 minimization algorithm was used.

Atomic data were extracted from VALD, with an ‘extract stel-
lar’ request, with temperatures approximately matching those we
find for the stars (within 250 K). Model atmospheres from ATLAS9
(Kurucz 1993) were used, which have a plane–parallel structure, as-
sume LTE, and include solar abundances. For fitting Teff and log g,
a grid of model atmospheres was used (with a spacing of 250 K
in Teff and of 0.5 in log g), and interpolated between (logarithmi-
cally) to produce exact models for the fit. The fitting was done
on five independent spectral windows, each ∼100 Å long, from
6000 to 6700 Å (6000–6100, 6100–6276, 6314–6402, 6402–6500,
and 6600–6700 Å). Regions contaminated by telluric lines were ex-
cluded from the fit, as was the region around the Hα Balmer line
due to its ambiguous normalization in échelle spectra. The aver-
ages of the results from the independent windows were taken as the
final best-fitting values, and the standard deviations of the results
were used as the uncertainty estimates. An example of such a fit
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Table 2. Derived fundamental parameters for the stars in our sample. Prot are the adopted rotation periods, containing a mix of literature and our spectropo-
larimetric periods, as discussed in Appendix A. Radial velocities (vr) are the averages and standard deviations of our observations. Lithium abundances are in
the form log (NLi/NH) + 12.

Star Assoc. Age Prot Teff log g v sin i ξ vr i
(Myr) (d) (K) (km s−1) (km s−1) (km s−1) (◦)

TYC 6349-0200-1 β Pic 24 ± 3 3.41 ± 0.05 4359 ± 131 4.19 ± 0.31 15.8 ± 0.5 1.4 ± 0.3 −7.17 ± 0.14 52+20
−20

HIP 12545 β Pic 24 ± 3 4.83 ± 0.01 4447 ± 130 4.33 ± 0.23 10.2 ± 0.4 1.4 ± 0.3 7.70 ± 0.14 39+20
−20

TYC 6878-0195-1 β Pic 24 ± 3 5.70 ± 0.06 4667 ± 120 4.38 ± 0.29 11.2 ± 0.4 1.4 ± 0.3 −8.62 ± 0.09 68+22
−20

BD-16351 Columba 42 ± 6 3.21 ± 0.01 5211 ± 109 4.65 ± 0.16 10.2 ± 0.3 1.5 ± 0.3 11.05 ± 0.11 42+17
−9

LO Peg AB Dor 120 ± 10 0.423 229 ± 0.000 048 4739 ± 138 4.36 ± 0.25 73.1 ± 1.1 1.8 ± 0.6 −19.81 ± 2.18 45+3
−3

PW And AB Dor 120 ± 10 1.761 59 ± 0.000 06 5012 ± 108 4.42 ± 0.18 22.9 ± 0.2 1.7 ± 0.4 −11.11 ± 0.48 46+7
−7

HIP 76768 AB Dor 120 ± 10 3.70 ± 0.02 4506 ± 153 4.53 ± 0.25 10.1 ± 0.6 0.6 ± 0.3 −6.87 ± 0.38 60+30
−13

TYC 0486-4943-1 AB Dor 120 ± 10 3.75 ± 0.30 4706 ± 161 4.45 ± 0.27 10.9 ± 0.4 1.1 ± 0.5 −19.95 ± 0.04 75+15
−8

TYC 5164-567-1 AB Dor 120 ± 10 4.68 ± 0.06 5130 ± 161 4.45 ± 0.22 9.6 ± 0.3 1.2 ± 0.6 −16.25 ± 0.15 65+25
−12

HII 739 Pleiades 125 ± 8 1.58 ± 0.01 6066 ± 89 4.64 ± 0.09 14.8 ± 0.3 1.8 ± 0.3 5.64 ± 0.08 51+20
−20

PELS 031 Pleiades 125 ± 8 2.5 ± 0.1 5046 ± 108 4.59 ± 0.17 11.9 ± 0.3 1.6 ± 0.3 6.17 ± 0.31 35+8
−7

HII 296 Pleiades 125 ± 8 2.608 63 ± 0.000 09 5236 ± 101 4.33 ± 0.16 17.6 ± 0.2 1.6 ± 0.3 6.37 ± 0.20 73+17
−20

V447 Lac Her-Lyr 257 ± 46 4.4266 ± 0.05 5274 ± 74 4.64 ± 0.15 4.6 ± 0.3 1.1 ± 0.3 −7.37 ± 0.04 29+5
−4

DX Leo Her-Lyr 257 ± 46 5.377 ± 0.073 5354 ± 76 4.71 ± 0.12 6.5 ± 0.3 1.3 ± 0.3 8.53 ± 0.08 58+8
−6

V439 And Her-Lyr 257 ± 46 6.23 ± 0.01 5393 ± 71 4.50 ± 0.10 4.6 ± 0.3 1.3 ± 0.3 −6.38 ± 0.03 38+4
−4

Star Assoc. L R M τ conv Rossby ALi
(L⊙) (R⊙) (M⊙) (d) number (dex)

TYC 6349-0200-1 β Pic 0.30 ± 0.02 0.96 ± 0.07 0.85+0.05
−0.05 50.5+14.4

−6.6 0.07+0.01
−0.02 3.30 ± 0.15

HIP 12545 β Pic 0.40 ± 0.06 1.07 ± 0.05 0.95+0.05
−0.05 55.8+6.8

−6.3 0.14+0.02
−0.02 3.40 ± 0.15

TYC 6878-0195-1 β Pic 0.80 ± 0.32 1.37 ± 0.28 1.17+0.13
−0.21 59.9+23.5

−17.8 0.10+0.04
−0.03 2.45 ± 0.15

BD-16351 Columba 0.52 ± 0.21 0.88 ± 0.18 0.90+0.07
−0.05 22.4+4.5

−2.1 0.14+0.01
−0.02 2.25 ± 0.15

LO Peg AB Dor 0.20 ± 0.01 0.66 ± 0.04 0.75+0.05
−0.05 27.9+1.4

−1.4 0.02+0.01
−0.01 2.55 ± 0.15

PW And AB Dor 0.35 ± 0.14 0.78 ± 0.16 0.85+0.05
−0.05 25.5+4.5

−2.6 0.07+0.01
−0.01 2.85 ± 0.15

HIP 76768 AB Dor 0.27 ± 0.06 0.85 ± 0.11 0.80+0.07
−0.05 39.7+11.6

−9.4 0.09+0.03
−0.02 1.25 ± 0.15

TYC 0486-4943-1 AB Dor 0.21 ± 0.08 0.69 ± 0.15 0.75+0.05
−0.05 28.8+4.3

−3.0 0.13+0.03
−0.03 1.77 ± 0.15

TYC 5164-567-1 AB Dor 0.50 ± 0.20 0.89 ± 0.19 0.90+0.08
−0.05 24.8+7.5

−4.1 0.19+0.04
−0.05 3.10 ± 0.15

HII 739 Pleiades 1.35 ± 0.20 1.07 ± 0.06 1.15+0.06
−0.06 6.21+2.6

−0.3 0.25+0.01
−0.08 3.00 ± 0.15

PELS 031 Pleiades 0.62 ± 0.06 1.05 ± 0.06 0.95+0.05
−0.05 29.0+5.4

−3.8 0.09+0.02
−0.02 2.80 ± 0.15

HII 296 Pleiades 0.49 ± 0.05 0.93 ± 0.05 0.90+0.05
−0.05 20.1+1.0

−1.0 0.13+0.01
−0.01 3.10 ± 0.15

V447 Lac Her-Lyr 0.46 ± 0.02 0.81 ± 0.03 0.90+0.05
−0.05 20.2+1.0

−1.0 0.22+0.01
−0.01 1.95 ± 0.15

DX Leo Her-Lyr 0.49 ± 0.02 0.81 ± 0.03 0.90+0.05
−0.05 20.1+1.0

−1.0 0.27+0.02
−0.02 2.65 ± 0.15

V439 And Her-Lyr 0.64 ± 0.02 0.92 ± 0.03 0.95+0.05
−0.05 17.9+0.9

−0.9 0.35+0.02
−0.02 2.25 ± 0.15

is provided in Fig. 1, and the final best parameters are reported in
Table 2.

In the computation of synthetic spectra we assumed solar abun-
dances, from Asplund et al. (2009). We checked this assumption for
a few stars (HII 739, TYC 6349-0200-1, and TYC 6878-0195-1) by
performing a full abundance analysis simultaneously with the de-
termination of the other stellar parameters. Solar abundances were
consistently found, thus we conclude that this is a sufficiently good
approximation for our analysis.

3.1.2 Secondary analysis

For all stars in the sample, we performed a secondary spectral
analysis, using spectral synthesis from the 1D hydrostatic MARCS
models of stellar atmospheres (Gustafsson et al. 2008). This analysis
produced lithium abundances (ALi), in addition to Teff, log g, v sin i,
and microturbulence values. We used a grid of plane–parallel model

atmospheres in LTE, with solar abundances. The grid has steps of
250 K in Teff and steps of 0.5 dex in log g (note that specific abun-
dances as well as metallicity – [Fe/H] – can be adjusted precisely
through the spectral synthesis). To produce the high-resolution syn-
thetic spectra of the lithium line region (at 6707.8 Å), we used the
TURBOSPECTRUM code (Alvarez & Plez 1998) and an interpolation
routine for MARCS model structures kindly provided by Masseron
(private communication). Finally, we convolved the computed syn-
thetic spectra with a Gaussian profile (in order to reproduce the
instrumental profiles of ESPaDOnS and Narval), and by a rota-
tional profile (to account for rotational velocity). Details of the
complete method and of the detailed atomic and molecular line
lists (initially extracted from the VALD data base) can be found
in Canto Martins et al. (2011). Fits to the Li lines are presented
in Fig. 2.

This MARCS spectral synthesis analysis was done independently
from the previously described analysis (ZEEMAN spectral synthesis
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584 C. P. Folsom et al.

Figure 1. Sample fit of the synthetic spectrum (red line) to the observation (black points) for HIP 12545.

Figure 2. Lithium line fits for the stars in this study, obtained with MARCS spectral synthesis. Observations are dotted lines, the fits are solid lines and the Li
line position is indicated by a thin vertical (blue) line.
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analysis). It then provided a crosscheck for all the stellar parameters
produced through the ZEEMAN spectral synthesis. Indeed Teff, log g,
[Fe/H], v sin i, and microturbulence velocity have also been deter-
mined using MARCS synthetic spectra (mainly from the lithium
line region, with checks from regions around the Ca infrared – IR
– triplet and Hβ). The stellar parameters derived from MARCS
spectral synthesis have been used for the ALi determination. A
conservative accuracy of 0.15 dex has been adopted for the ALi

determinations, considering an accuracy of 50 K on Teff; 0.5 dex
on log g; 0.15 dex on [Fe/H]; 0.5 km s−1 on v sin i; 0.5 km s−1 on
microturbulence velocity.

3.1.3 Spectroscopic comparison

In general, a good agreement for all the stellar parameters was
found between the two approaches (ZEEMAN versus MARCS spec-
tral synthesis). Some specific cases, however, present discrepan-
cies on some parameters. Our v sin i, measurements are consistent
within 1σ for all stars except LO Peg, where we disagree at 1.9σ

(73.1 ± 1.1 and 67 ± 3 km s−1). The v sin i, value of Barnes et al.
(2005, 65.84 ± 0.06 km s−1) is smaller than both our values, but
consistent with the MARCS value. LO Peg has the broadest line
profiles, and the line profiles most affected by spots. Thus it is not
surprising that our methods disagree slightly, due to the distorted
line profiles. Our measurements of microturbulence agree typically
within 1σ , and always within 1.5σ . Our log g measurements always
agree within 1σ . This suggests we may have overestimated the un-
certainties on log g; however, in the interest of caution we retain the
current values. Our Teff values generally agree within 1σ ; however,
there are a few significant disagreements. Our results disagree at
3σ (∼300 K: 6066 ± 89 and 5750 ± 50 K) for HII 739. This star
is a spectroscopic binary, with a small radial velocity separation,
and the lines of the two components largely superimposed. Since
the analyses use different selections of lines in different wavelength
windows this produces different results. We adopt the hotter Teff,
obtained from the bluer part of the spectrum, as this is likely less in-
fluenced by contamination from the secondary. There is a significant
disagreement in our Teff for LO Peg, by 3.5σ (500 K: 4739 ± 138
and 5250 ± 50 K). This is likely due to the large distortions to the
line profiles by star spots, and blending of lines due to the large
v sin i. We adopt the value based on the larger number of spectral
lines, which should mitigate the impact of line profile distortions,
and this value is consistent with the literature values (Jeffries et al.
1994; Bailer-Jones 2011; McCarthy & White 2012). However, this
difference may represent a real uncertainty on the Teff of LO Peg,
due to its large spots. For BD-16351 the Teff measurements differ
by 1.8σ (210 K: 5211 ± 109 and 5000 ± 50 K); however, there
is no clear error with either value. da Silva et al. (2009) find a
Teff of 5083 K for BD-16351, approximately halfway between our
values. Our Teff measurements for HII 296 differ by 2.1σ (236 K:
5236 ± 101 and 5000 ± 50 K), again with no clear errors in either
value. Several literature Teff measurements exist for HII 296, which
fall in the range 5100–5200 (Cayrel de Strobel 1990; Cenarro et al.
2007; Soubiran et al. 2010; Prugniel, Vauglin & Koleva 2011), thus
between our two values but favouring the higher value. The formal
disagreements in Teff for BD-16351 and HII 296 are acceptable, and
are likely a reflection of the real systematic uncertainties involved.
Ultimately we adopt the Teff values from the ZEEMAN analysis, in
order to provide a homogeneous set of values, since the values are
largely consistent, and of comparable quality.

3.2 H–R diagram and evolutionary tracks

3.2.1 H–R diagram positions

Absolute luminosities for the stars in this sample were derived from
J-band photometry, from the 2MASS project (Cutri et al. 2003).
IR photometry is preferable to optical photometry since it is likely
impacted less by star spots. This is because the brightness contrast
between spots and the quiescent photosphere is less in the IR. The
stars are all nearby, so interstellar extinction is likely negligible.
However, IR photometry further mitigates any possible impact of
extinction. Finally, 2MASS provides a homogeneous catalogue of
data for the stars in our study. The bolometric correction from Pecaut
& Mamajek (2013) was used combined with our effective tempera-
tures (from Section 3.1). Pecaut & Mamajek (2013) include results
for the 2MASS J band, and for PMS stars. We assume reddening is
negligible, since the stars are all near the Sun (<130 pc). From this
we calculate the absolute luminosities, presented in Table 2.

Six stars have precise, reliable Hipparcos parallax measurements.
We use the re-reduction of the Hipparcos data by van Leeuwen
(2007). The star TYC 6349-0200-1 does not have a Hipparcos mea-
surement, but it has a physical association with HD 199143 (van
den Ancker et al. 2000), which was observed by Hipparcos. There-
fore we use the parallax of HD 199143 for TYC 6349-0200-1 (e.g.
Evans et al. 2012). For the Pleiades, there has been a longstanding
disagreement regarding the distance, particularly between the Hip-
parcos parallax of van Leeuwen (2009) and the HST trigonometric
parallax of Soderblom et al. (2005). The recent VLBI parallax of
Melis et al. (2014) strongly supports the HST value, thus we adopt
their value and take the uncertainties on stellar distances as their
estimate of the dispersion in cluster depth. The difference between
these distances is ∼10 per cent, and this degree of uncertainty has
no major impact on our results. For the other stars we use the dy-
namical distances, mostly from Torres et al. (2008), supplemented
by Montes et al. (2001) and Torres et al. (2006). These dynamical
distances are based on the proper motion of a star, and are the dis-
tance to the star that makes its real space velocity closest to that of
its association’s velocity. For these dynamical distances we adopt
a 20 per cent uncertainty, which is a conservative assumption since
the authors do not provide uncertainties. The adopted distances are
included in Table 3.

With absolute luminosities and effective temperatures, we can
infer stellar radii from the Stefan–Boltzmann law. We can also use
this information to place the stars on an H–R diagram, shown in
Fig. 3. By comparison with theoretical evolutionary tracks we can
estimate the masses of the stars.

3.2.2 Evolutionary models

We used a grid of evolutionary tracks to be published in Amard et al.
(in preparation). Standard stellar evolution models with masses from
0.5 to 2 M⊙ were computed with the STAREVOL V3.30 stellar evolu-
tion code. The adopted metallicity is Z = 0.0134, which corresponds
to the solar value when using the Asplund et al. (2009) reference so-
lar abundances. The adopted mixing length parameter αMLT = 1.702
is obtained by calibration of a classical (without microscopic dif-
fusion) solar model that reproduces the solar luminosity and radius
to 10−5 precision at 4.57 Gyr. The models include a non-grey at-
mosphere treatment following Krishna Swamy (1966). Mass-loss is
accounted for starting at the ZAMS following Reimers (1975). The
convective boundaries are fixed by the Schwarzschild criterion, and
the local convective velocities are given by the mixing length theory.
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Table 3. Literature fundamental parameters for the stars in our sample.

Star Assoc. Age Distance Distance
(Myr) (pc) method

TYC 6349-0200-1 β Pic 24 ± 31 45.7 ± 1.62, 3 Assoc. Parallax
HIP 12545 β Pic 24 ± 31 42.0 ± 2.72 Parallax
TYC 6878-0195-1 β Pic 24 ± 31 79 ± 164 Dynamical
BD-16351 Columba 42 ± 61 78 ± 165 Dynamical
LO Peg AB Dor 120 ± 106 40.3 ± 1.12 Parallax
PW And AB Dor 120 ± 106 30.6 ± 6.17 Dynamical
HIP 76768 AB Dor 120 ± 106 40.2 ± 4.42 Parallax
TYC 0486-4943-1 AB Dor 120 ± 106 71 ± 145 Dynamical
TYC 5164-567-1 AB Dor 120 ± 106 70 ± 145 Dynamical
HII 739 Pleiades 125 ± 88 136.2 ± 2.39 Assoc. Parallax
PELS 031 Pleiades 125 ± 88 136.2 ± 2.39 Assoc. Parallax
HII 296 Pleiades 125 ± 88 136.2 ± 2.39 Assoc. Parallax
V447 Lac Her-Lyr 257 ± 4610 46.4 ± 0.52 Parallax
DX Leo Her-Lyr 257 ± 4610 56.2 ± 0.62 Parallax
V439 And Her-Lyr 257 ± 4610 73.2 ± 0.62 Parallax

Age references: 1Bell, Mamajek & Naylor (2015), 6Luhman, Stauffer & Mamajek (2005) and Barenfeld
et al. (2013), 8Stauffer, Schultz & Kirkpatrick (1998), 10López-Santiago et al. (2006) and Eisenbeiss
et al. (2013). Distance references: 2van Leeuwen (2007), 3van den Ancker et al. (2000), 4Torres et al.
(2006), 5Torres et al. (2008), 7Montes et al. (2001), 9Melis et al. (2014).

Figure 3. H–R diagram for the stars in this study. Evolutionary tracks (solid
lines) are from Amard et al. (in preparation), and are shown for 0.1 M⊙
increments from 0.5 to 1.5 M⊙. Isochrones are shown for 24 Myr (β Pic),
42 Myr (Columba), and the ZAMS. Stars grouped by association and age,
as indicated.

This allows us to compute the convective turnover time-scale at one
pressure scaleheight above the base of the convective envelope, for
each timestep:

τHp = αHp(r)/Vc(r), (1)

where Vc(r) is the local convective velocity as given by the mixing
length theory formalism at one pressure scaleheight above the base
of the convective envelope, Hp(r) is the local pressure scaleheight,
and α is the mixing length parameter. This choice of convective
turnover time-scale is discussed in Appendix D.

In order to derive an estimate of the masses and convective
turnover time-scales (and hence Rossby numbers) for the stars in
our sample, we use the maximum-likelihood method described in

Figure 4. Longitudinal magnetic field measurements for TYC 6349-200-1,
phased with the rotation periods derived in Section 4.3. The solid line is
the fit through the observations. Figures for the full sample can be found in
Appendix A.

Valle et al. (2014). We based our estimates upon Teff and luminosity,
and the associated error bars derived from our analysis.

3.2.3 Comparison to association isochrones

From these model evolutionary tracks we computed isochrones for
the age of each association. Comparing the observed stars positions
on the H–R diagram with the model association isochrones, we
find that the H–R diagram positions are consistent with the adopted
ages for most stars. This supports the association memberships of
those stars. However a few stars disagree with their isochrones
by more than 2σ , suggesting unrecognized systematic errors, or
underestimated uncertainties. HII 739 appears to sit well above
the association isochrone (at the ZAMS for that Teff), but it is a
binary. HIP 12545 sits somewhat below the association isochrone
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by slightly more than 2σ , possibly suffering some extinction, but
still is well above the ZAMS. HIP 76768 sits marginally above
its isochrone (at the ZAMS), but by less than 2σ . PELS 031 also
sits above its isochrone, by 2σ ; however, there is no clear evidence
that it is a spectroscopic binary. These discrepancies are not due
to metallicity, since the members of one association should have
the same metallicity, and there is no observational evidence for
significantly non-solar metallicities in our sample. For the most
discrepant cases, HII 739 and HIP 12545, we derive the stellar
parameters using Teff and the age of their association, rather than
luminosity. For these two stars we also adopt the radii from the
evolutionary tracks rather than Stefan–Boltzmann law.

We use the masses derived from the H–R diagram and the stel-
lar radii to calculate a log g for the stars. Comparing this with
the spectroscopic log g we derived earlier shows that the values
are consistent. For the binary HII 739, this is only true if we use
values based on Teff and age, rather than luminosity. Many of the
log g values from evolutionary radii and masses are formally more
precise than the spectroscopic values; however, we prefer the spec-
troscopic values for this study as they have fewer potential sources
of systematic uncertainty.

4 SPECTRO POLARIMETRIC ANALYSIS

4.1 Longitudinal magnetic field measurements

Measurements of the longitudinal component of the magnetic field,
averaged across the stellar disc, were made from all the individual
LSD profiles. This provides much less information than a full ZDI
map, but it depends much less on other stellar parameters (e.g. rota-
tion period, inclination, v sin i). The longitudinal magnetic field was
measured using the first-order moment method (e.g. Rees & Semel
1979), by integrating the (continuum normalized) LSD profiles I/Ic

and V/Ic about their centre-of-gravity (v0) in velocity (v):

Bℓ = −2.14 × 1011

∫
(v − v0)V (v) dv

λgf c

∫
[1 − I (v)] dv

. (2)

Here the longitudinal field Bℓ is in Gauss, c is the speed of light, and
λ (the central wavelength, expressed in nm) and gf (the Landé factor)
correspond to the normalization values used to compute the LSD
profiles (see Section 2.2). The integration range used to evaluate the
equation was set to include the complete range of the absorption
line in I, as well as in V. The resulting measurements of Bℓ are
summarized in Table 4 and plotted, folded with the stellar rotation
periods (see Section 4.3), in Fig. 4 as well as Figs A2 and A3.

The longitudinal magnetic fields, which vary due to rotational
modulation, were used to determine a rotation period for each star.
This was done by generating periodograms, using a modified Lomb–
Scargle method, for each star. The periodograms were generated
by fitting sinusoids through the data using a grid of periods, thus
producing periodograms in period and χ2. The sinusoids were in
the form

n∑

l=0

al sinl(p + φ), (3)

where n is the order of the sinusoid used, al and φ are free parame-
ters, and p is the period for each point on the grid. This formalism
has the advantage of easily accounting for magnetic fields with
significant quadrupolar or octupolar components, and reduces to
a Lomb–Scargle periodogram when n = 1. Searches for a period Ta
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began with n = 1, and if no adequate fit to the observations could
be obtained, the order was increased to a maximum of n = 3.

These results usually produced well-defined minimum in χ2,
often with harmonics at shorter periods. However the results for five
stars were ambiguous (HIP 12545, PELS 031, HII 296, HII 739,
and V447 Lac), with comparable χ2 minima at multiple periods.
For stars with a well-defined minimum, we can use the change
in χ2 from that minimum to provide uncertainties on the period
(e.g. Press et al. 1992). The periods found here typically have less
precision than the literature photometric period estimates. This is
a consequence of the relatively short time-span over which the
observations were collected (typically one to two weeks).

For three stars, our adopted period (see Section 4.3 and Ap-
pendix A) produced a particularly poor phasing of the Bℓ curves.
For LO Peg, the rotation period is well established both by Barnes
et al. (2005) and by our ZDI results. While there is a lot of apparent
scatter in the Bℓ curve, the first-order fit produces χ2

ν = 1.1. The Bℓ

curve of HIP 12545 appears, by eye, to indicate a harmonic of the
true period. However examining the phasing of LSD profiles shows
a consistent phasing at this period and inconsistent phasings at the
possible alternatives; thus, this must be the correct period. For HII
739, there is very little variation in the longitudinal field curve, with
the exception of two observations obtained 10 d earlier than the rest
of the data. There is much clearer variability in the LSD V profiles,
and modelling those is what the period was principally based on;
however, noise is a limiting factor in our analysis of this star.

We find a wide range of longitudinal magnetic fields. The
strongest star reaches a Bℓ of 150 G, most stars at most phases
have Bℓ of a few tens of gauss, and a few stars have Bℓ below 10 G
at many phases, as summarized in Table 4. We consider the maxi-
mum observed Bℓ as a proxy for the stellar magnetic field strength,
to mitigating geometric effects and rotational variability (similar
to, e.g. Marsden et al. 2014). In the maximum Bℓ, two stars ex-
ceed 100 G, four stars are below 20 G, and the median is ∼50 G.
There is an approximate trend of weakening maximum Bℓ with age,
the youngest (∼20 Myr) stars have stronger fields than the oldest
(∼257 Myr); however, there is a very large scatter for the interme-
diate age stars (∼120 Myr). There is also a weak trend in rotation
rate, with the fastest rotating stars having the strongest fields. A
clearer correlation in decreasing Bℓ with Rossby number is found.
More detailed magnetic results, accounting for magnetic and stellar
geometry, are presented in Section 5.

4.2 Radial velocity

Radial velocities for each observation were measured from the LSD
profiles. These values were measured by fitting a Gaussian line pro-
file to the Stokes I LSD profile, which effectively uses the Gaussian
fit to find the centroid of the profile. The radial velocity variability
observed is not a real variation in the velocity of the star (with the
partial exception of close binaries), but rather due to distortions in
the line profile from spots on the stellar surface. These distortions
are modulated with the rotation period of the star, and thus the ap-
parent radial velocity variation can be used to measure the rotation
period of the star.

The same modified Lomb–Scargle analysis method that was used
to derive a period from the longitudinal field measurements was
applied to the radial velocity measurements. See Fig. 5 for an ex-
ample. The surface spot distribution is generally more complex than
the large-scale magnetic field distribution, and consequently the re-
sults of this analysis were more ambiguous than they were for the
magnetic field analysis. Six stars displayed periodograms with mul-

Figure 5. Radial velocity measurements for TYC 6349-200-1, phased with
the rotation period derived in Section 4.3. The dashed line is a second-order
sine fit through the observations.

tiple ambiguous χ2 minima (HIP 12545, BD-16351, PELS 031, HII
296, HII 739, and V447 Lac). However, the periods found from the
magnetic analysis were always consistent with one of the stronger
minima from radial velocity. Thus the apparent radial velocity vari-
ability supports periods based on the longitudinal magnetic fields,
but is not always sufficient to determine a period on its own.

The observation that radial velocity variability is more ambiguous
and less sensitive to rotation periods than magnetic variability has
important implications for surveys aimed at characterizing planets
around active stars. This implies that spectropolarimetric observa-
tions are much more useful for characterizing the stellar part of the
variability than simple spectroscopic observations.

4.3 Rotation period

All of the stars in our sample have literature rotation periods. How-
ever, there is the potential for large systematic errors in these periods.
For example, nearly identical spot distributions on either side of a
star can cause a period to be underestimated by a factor of 2. Indeed
a few of the stars in our sample have conflicting literature periods.
Having an accurate rotation period is critical for an accurate ZDI
map so we verified and, when possible, rederived rotation periods
for all the stars in the sample.

Our period search used three methods. The first technique was
based on longitudinal magnetic field measurements, and is de-
scribed in Section 4.1. This method has the advantage of being
largely model independent; however, the method loses sensitivity
for more complex magnetic geometries and for largely toroidal
magnetic geometries. The second method was based on apparent
radial velocity variability, as a measure of line profile variability due
to spots (cf. Section 4.2). Most of the stars are only weakly spotted,
and thus in many cases this variability is only weakly detected. Fur-
thermore the variability in apparent radial velocity is usually more
complex than the variability in the longitudinal magnetic field. Thus
the radial velocity variability was only used to confirm the rotation
period measurements from the other two methods. The third method
was based on the ZDI analysis, searching for a period that produced
the maximum entropy ZDI map (e.g. Petit et al. 2008). Details of
the ZDI procedure are given in Section 5. Since we use the fitting
routine of Skilling & Bryan (1984), entropy rather than χ2 is the
correct parameter to optimize. This rotation period search starts
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with a grid of rotation periods, and for each period recomputes the
phases of the observations, then runs ZDI. From this we produce
a plot of entropy as a function of rotation period, and select the
period that maximizes entropy. This method of period searching
is more model dependent than the method based on longitudinal
magnetic fields. However, this method is more sensitive when the
magnetic field geometry is complex, since it consistently models all
the information available in the Stokes V profiles.

In most cases, all the period estimates agree with the literature
values. In a few cases, TYC 0486-4943-1, HII 739, and PELS 031,
the literature periods were inconsistent with our observations. The
final rotation periods we adopt are in Table 2. Detailed discussions
of our analyses and comparisons with literature values for all the
stars are given in Appendix A.

Emission indices were calculated for the Ca II H&K lines, Hα,
and the Ca IR triplet, summarized in Appendix C. These quantities
usually vary coherently with rotation phase, but do not do so in a
simple fashion, and thus were not used for period determination.

Values for the inclination of the rotation axis with respect to the
line of sight were derived using two methods. When possible, the
value was based on v sin i and the combination of radius and period
to determine an equatorial velocity (veq). However, in a few cases
the radius was poorly constrained, either due to an uncertain mag-
nitude in a binary system, or due to an uncertain distance to the star.
In these cases a second method was used, looking for the inclination
that maximizes entropy in ZDI. This was done in the same fashion
as the ZDI period search, searching a grid of inclinations and se-
lecting the one with the maximum entropy ZDI solution. This ZDI
based inclination was checked against the inclination from v sin i,
radius and period, for cases with well-defined radii, and a good
agreement was consistently found. The adopted best inclinations
are given in Table 2, and in cases where the ZDI inclination was
used, a discussion of the inclination determination is provided in
Appendix A.

5 MAG NETIC MAPPING

5.1 ZDI model description

ZDI was used to reconstruct surface magnetic field maps for all the
stars in this study. ZDI uses the observed rotationally modulated
Stokes V line profiles, and inverts the time series of observations to
derive the magnetic field necessary to generate them. We used the
ZDI method of Semel (1989), Donati & Brown (1997), and Donati
et al. (2006), which represents the magnetic field as a combination
of spherical harmonics, and uses the maximum entropy regular-
ization procedure described by Skilling & Bryan (1984). ZDI was
performed using the Stokes V LSD profiles, which was necessary
to provide sufficiently large S/N.

ZDI proceeds by iteratively fitting a synthetic line profile to the
observations, subject to both χ2 and the additional constraint pro-
vided by regularization, using the spherical harmonic coefficients
that describe the magnetic field as the free parameters. Therefore
the model line profile used is of some importance. We calculated
the local Stokes V line profile, at one point on the stellar surface,
using the weak field approximation:

V (λ) = −λ2
o

gf e

4πmec
BldI/dλ, (4)

where λo is the central wavelength of the line, gf is the mean Landé
factor, and Bl is the line of sight component of the magnetic field.

The local Stokes I profile is approximated as a continuum level
minus a Gaussian. The local line profiles are then weighted by the
projected area and brightness of their surface element, calculated
using a classical limb darkening law, and Doppler shifted by their
rotational velocity. The local profiles are summed, and finally nor-
malized by the sum of their continuum levels and projected cell
areas to produce a final disc integrated line profile. In this study
we have assumed surface brightness variations due to star spots are
negligible. While these brightness variations are detectable in some
Stokes I profiles, they are small (1–5 per cent of the line depth),
and the impact of this variability would be lost in the noise of the
observed Stokes V profiles (V profiles are typically observed with
∼5σ precision per pixel).

Since we are modelling LSD profiles, the mean Landé factor and
central wavelength used for the model line were set to the normal-
ization values used for LSD (Kochukhov et al. 2010). The width
of the Gaussian line profile was set empirically by fitting the line
width of the very slow rotator ϵ Eri (Jeffers et al. 2014), which
has a spectral type typical of the stars in our sample (K2). LSD
was applied to the spectrum of ϵ Eri with the same normaliza-
tion and line masks as used for the rest of the stars in this study.
The ZDI model I line profile was then fit to the LSD I line profile
of the star, providing a Gaussian line width. We also checked the
line width used against theoretical models. A synthetic line profile
was calculated using the ZEEMAN spectrum synthesis program for
a star with Teff = 5000 K, log g = 4.5, and 1.2 km s−1 of micro-
turbulence, approximately average for the stars in this study, but
no rotation. The atomic data for this model line were taken to be
the average of the atomic data used for the lines in the LSD line
mask. Line broadening included the quadratic Stark, radiative, and
van der Walls effects, as well as thermal Doppler broadening. This
detailed synthetic line profile was then fit with the Gaussian ZDI
line model, to find a theoretical best width for the ZDI line profile.
Good agreement was found, with the theoretical width and the em-
pirical width from ϵ Eri differing by less than 10 per cent; thus, a
full width at half-maximum of 7.8 km s−1 (1σ width of 3.2 km s−1)
was adopted for the ZDI model line. Line depths were set individ-
ually for each star in the study, by fitting the central depth of the
ZDI Stokes I line to the central depth of the average LSD I line
profile.

For the stellar model we used in ZDI, v sin i was taken from the
spectroscopic analysis in Section 3.1. A linear limb darkening law
was used with a limb darkening coefficient of 0.75, typical of a K
star at our model line wavelength (Gray 2005). The ZDI maps are
largely insensitive to the exact value of the limb darkening parameter
(e.g. Petit et al. 2008). The inclination of the stellar rotation axis
to the line of sight was determined from stellar radius and v sin i
from Section 3 and the rotation period used for the star was derived
in Section 3. Differential rotation was assumed to be negligible;
however, this will be investigated further in the next paper in this
series. The exception to this is LO Peg, where a reliable literature
differential rotation measurement exists.

The model star was calculated using 2000 surface elements of
approximately equal area, and the spherical harmonic expansion
was carried out to the 15th order in l. For our spectral resolution
and local line with, and a typical v sin i of 10 km s−1, Morin et al.
(2010) suggest that only the first ∼8 harmonics should carry any
useful information (at a v sin i of 15 km s−1 that becomes the first 10
harmonics). This matches our results, as in all cases the magnetic
energy in the coefficients drops rapidly by fifth order, often sooner,
with the coefficients being driven to zero by the maximum entropy
regularization.
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590 C. P. Folsom et al.

Figure 6. Sample ZDI fit for TYC 6349-200-1. The solid lines are the
observed LSD V/Ic profile and the dashed lines are the fits. The profiles are
shifted vertically according to phase and labelled by rotation cycle.

5.2 ZDI results

A sample ZDI fit is presented in Fig. 6. The resulting magnetic maps
are presented in Figs A4 and A5. Several parameters describing the
magnetic strength and geometry are given in Table 4. The mean
magnetic field (⟨B⟩) is the global average strength of the (unsigned)
large-scale magnetic field over the surface of the star (i.e. the mag-
nitude of the magnetic vector averaged over the surface of the star).
The field is broken into poloidal and toroidal components (as in
Donati et al. 2006), into axisymmetric (m = 0 spherical harmonics)
and non-axisymmetric components, and the fraction of the mag-
netic energy (proportional to B2) in different components is given.

Note that in some cases, the values are considered as fractions of the
total magnetic energy, and in some cases they are fractions of one
component, such as the fraction of poloidal energy in the dipolar
mode.

We find a wide range of magnetic strengths and geometries.
Mean magnetic field strengths vary from 14 to 140 G, with some
dependence on age and rotation rate. The magnetic field geometries
vary from largely poloidal to largely toroidal. The majority (12/15)
of the stars have the majority of their magnetic energy in poloidal
modes; however, there are significant toroidal components found
in many stars. There is a large range of observed axisymmetry,
and the majority of the stars have the majority of their energy
in non-axisymmetric components. There is also a wide range of
complexity (dominant l order) to the fields. However, none of the
observed stars are entirely dipolar or entirely axisymmetric. This
diversity of magnetic properties is qualitatively typical of stars with
radiative cores and convective envelopes (e.g. Donati & Landstreet
2009).

6 D ISCUSSION

This discussion focuses on the large-scale magnetic properties of our
sample, and trends in those properties with the physical parameters
of age, rotation period, mass, and Rossby number. We then compare
our results to those for younger TTS and older field stars, in order to
provide a synthetic description of the magnetic evolution of solar-
type stars from the early PMS to the end of the MS.

6.1 Magnetic trends in young stars

6.1.1 Trends in magnetic strength

Several trends are apparent from our sample, that are illustrated in
Fig. 7. We find a global decrease in the mean large-scale magnetic
field strength with age from 20 to 250 Myr, even though a large
scatter is seen at intermediate ages at around 120 Myr. 120 Myr
is also the age with maximum scatter in rotation period. No clear
trend between mean magnetic field strength and rotation period is
seen in our limited sample. Similarly, we do not find any clear
trend in magnetic field strength with just convective turnover time.
However, conventional (α–-) dynamo generation is thought to be
due to the combination of rotation and convection, which can be
parametrized by the Rossby number of the star (the ratio of the
rotation period to the convective turnover time: Ro = Prot/τ conv).
We do find a significant trend in decreasing magnetic field strength
with Rossby number, which appears to take the form of a power
law. Fitting a power law (and excluding LO Peg, the fastest rotator)
we find ⟨B⟩ ∝ R−1.0±0.1

o . This is based on a χ2 fit, and accounts for
uncertainty in Ro but not the systematic uncertainty in ⟨B⟩, which
is largely driven by long term variability; thus, the uncertainty on
the power law may be underestimated. LO Peg, the outlier, has by
far the lowest Rossby number in our sample, but has a comparable
field strength to the other strongly magnetic stars in our sample.
This suggests that we might be seeing evidence for the saturation of
the global magnetic field strength and hence of the stellar dynamo.
Saturation of Ca II H&K emission (Noyes et al. 1984), and X-ray
flux (Pizzolato et al. 2003), is well established and typically happens
around a Rossby number of 0.1.2 Zeeman broadening measurements

2 The exact value of the Rossby number is model dependent, since it depends
on the prescription for convective turnover time. Thus it can vary by a factor
of a few (see Appendix D).
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Evolution of magnetic fields in cooler stars 591

Figure 7. Trends in global mean large-scale magnetic field strength with age, rotation period, and Rossby number for the stars in our sample. Different
symbols correspond to different age bins.

(Saar 1996, 2001; Reiners et al. 2009) have found some evidence
for the saturation of the small-scale magnetic field, again around
a Rossby number of 0.1, particularly for M-dwarfs. Evidence for
saturation of the global magnetic field is good for fully convective
M-dwarfs (Donati et al. 2008b; Morin et al. 2008; Vidotto et al.
2014). However, direct evidence for the saturation of the global
magnetic field in stars with radiative cores remains tentative. Vidotto
et al. (2014) studied a set of published ZDI results, which includes
the data reported here, and found evidence for the global dynamo
saturating near the same Rossby number as the X-ray flux. LO
Peg adds a significant extra data point to support this trend. It is
interesting that the X-ray flux, which is only indirectly related to
the magnetic field, the small-scale magnetic field, and the large-
scale magnetic field all show qualitatively similar behaviour with
Rossby number.

6.1.2 Trends in magnetic geometry

Turning to magnetic topology, we find that stars with largely toroidal
magnetic fields in our sample have largely axisymmetric geome-
tries, as shown in Fig. 8. More specifically the toroidal components
of the magnetic field are largely axisymmetric, and become more
axisymmetric as they become more dominant. However, the axisym-
metry of the poloidal component is independent of how toroidal the
field is, thus the trend towards axisymmetry is driven by the toroidal

component. This is in line with similar results reported for a larger
sample of late-type dwarfs by See et al. (2015), which also includes
the results presented here. We also examined the fraction of mag-
netic energy contained in the poloidal component as a function of
rotation period, shown in Fig. 8. No clear trend is seen in our sam-
ple, which encompasses a limited range of rotation periods from
about 2 to 6 d. Indeed, within this period range, the fraction of mag-
netic energy contained in the poloidal component ranges from 15
to 90 per cent. In order to enlarge the period range, we combine
our sample with the slowly rotating stars reported by Petit et al.
(2008), and with additional slow rotators from the BCool sample
(Petit et al., in preparation; see Section 6.2). Petit et al. (2008) re-
ported that slowly rotating stars have dominantly poloidal fields and
rapidly rotating stars have dominantly toroidal fields. The stars of
our HMS sample all lie in the fast portion of their parameter space
and exhibit a large range of poloidal to toroidal ratios. If we con-
sider the additional data from the BCool project, we do indeed find
that very slow rotators are dominated by poloidal fields, but faster
rotators have a wide range of mixed geometries. The transition from
mixed topologies to dominantly poloidal fields seems to occur at
roughly Prot ≈ 10–15 d, in agreement with Petit et al. (2008). In
Rossby number, this transition occurs roughly between 0.5 and 1.0
(cf. Fig. 8).

We examined the complexity of the reconstructed large-scale
magnetic field, by considering the magnetic energy in all spherical
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592 C. P. Folsom et al.

Figure 8. Trends in magnetic geometry. Left panel: the fraction of magnetic energy in axisymmetric modes as a function of the fraction of magnetic energy in
toroidal modes (our data only). Right panel: the fraction of magnetic energy in poloidal modes as a function of Rossby number (our data and BCool data). A
shift towards dominantly poloidal fields, from mixed toroidal-poloidal fields, is found for stars with long rotation periods. Bottom panel: fraction of magnetic
energy in spherical harmonics of order l ≤ 2, as a function of rotation period (our data only).

harmonic modes with l ≤ 2. This includes dipolar and quadrupolar
modes, and their corresponding toroidal modes. We find a trend
towards decreasing complexity with increasing rotation period, il-
lustrated in Fig. 8, and a similar trend with increasing Rossby num-
ber. Thus it may be that faster rotators, with stronger dynamos,
have more complex magnetic fields. This is in contrast to the fully
convective TTS that often have simple magnetic field geometries.
However, the spatial resolution of ZDI is a function of the v sin i of
a star; thus, there is a potential systematic effect that could impact
on this result. The correlation we find appears to be stronger with
rotation period than v sin i, and all our stars should have maps with
a resolution higher than an l order of 2, thus this trend appears to
be real. Nevertheless, we caution the reader that this result is tenta-
tive. A more detailed investigation, with an evaluation of potential
systematics, is needed and planned for a forthcoming paper.

6.1.3 Implications for models

Barnes (2003) identified the C and I sequences of, respectively,
fast and slow rotating young MS stars. In an attempt to reproduce
these sequences, Brown (2014) proposed the ‘Metastable Dynamo

Model’ of rotational evolution. In this model, stars are initially very
fast rotators and are weakly coupled to their winds. Eventually, stars
randomly switch to being strongly coupled to their wind, and then
quickly spin down. The difference between the weakly and strongly
coupled modes is ascribed to different magnetic topologies, hy-
pothetically corresponding to different dynamo modes. However,
within our sample we find no strong differences in magnetic geom-
etry between very fast rotators (Prot < 2 d) and moderate rotators
(Prot > 2 d), which would essentially correspond to the transition be-
tween the C and I sequences of Barnes (2003). There is a significant
transition to dominantly poloidal fields at large Rossby numbers
or equivalently large rotation periods (Fig. 8), but that occurs at
rotation periods of ∼10–15 d (cf. Table 2), which is much beyond
the line between the C and I sequences. We do find a general trend
towards magnetic geometries with more energy in higher spher-
ical harmonics for shorter rotation periods (Fig. 8). These more
complex fields could be of interest for producing fast rotators that
are more weakly coupled to their wind for their global magnetic
field strength. But this trend appears to be continuous over a wide
range of rotation, so it is not clear how it would produce a bimodal
distribution, and this result is very tentative, as discussed above.
Our current results thus do not provide clear evidence to support
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Evolution of magnetic fields in cooler stars 593

Figure 9. Trend in mean large-scale magnetic field strength with age, rotation period, convective turnover time, and Rossby number. Black circles are from our
sample (the TOUPIES observational project), while red squares are additional field stars we consider from the BCool project. Blue triangles are TTS from the
MaPP project. In the bottom panel, the solid line is the best-fitting power law, the dotted line is an extrapolation of this fit, and the dashed line is a hypothetical
saturation value for the large-scale magnetic field. The TTS are fully convective, and are exceptions to the trends in rotation period and Rossby number.

the Metastable Dynamo Model. Additional planned observations of
both faster and slower rotators, with ages extending up to 600 Myr,
may provide additional constraints.

6.2 Comparison with older field stars

One of the limitations of our current sample is that it is still a
modest size, and is focused mostly on young quickly rotating stars.
Stronger conclusions can be drawn by adding older more slowly
rotating stars from previous studies. We selected stars from the
BCool sample (see Marsden et al. 2014, for the first major paper
in the series), which are mostly field MS stars with ages of a few
Gyr. This is an excellent comparison sample, as the observations
were obtained with the same instruments and observing strategy as
our observations, and the same analysis techniques were used to
derive magnetic maps for the stars. We specifically focus on stars in
a similar mass range as our sample: 0.7–0.9 M⊙, using the objects
HD 22049 (ϵ Eri; Jeffers et al. 2014), HD 131156A (ξ Boo A; Petit
et al. 2005; Morgenthaler et al. 2012), HD 131156B (ξ Boo B; Petit
et al., in preparation), HD 201091 (61 Cyg A; Boro Saikia et al.,
in preparation; Petit et al., in preparation), HD 101501, HD 10476,

HD 3651, HD 39587, and HD 72905 (Petit et al., in preparation).
Ages for the stars are taken from Mamajek & Hillenbrand (2008)
based on chromospheric activity. Since these stars are on the MS,
and typically the younger half of the MS, H–R diagram ages are
highly uncertain. The exception to this is HD 201091, where we
use the more precise age of Kervella et al. (2008), based on an
interferometric radius.

With these added stars, we see a much clearer trend in large-
scale magnetic field strength with rotation period, as illustrated
in Fig. 9, while the trends in magnetic field strength with age and
Rossby number are further supported. There is still no clear correla-
tion between magnetic field strength and convective turnover time,
largely because the BCool stars have the same range of turnover
times as our sample. The added stars have a much stronger corre-
lation between rotation period and age, since by these older ages
the rotation rates of the stars have largely converged to a single
sequence. The correlation of magnetic field strength with age and
with rotation rate agree with the results from Vidotto et al. (2014);
however, they considered a much larger mass range (from ∼0.2
to ∼1.3 M⊙), and some of our early results were included in that
paper.
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594 C. P. Folsom et al.

Figure 10. Magnetic parameters plotted for different physical parameters. Stars labelled in blue are from the MaPP project, stars labelled in red are from the
BCool project, and stars labelled in black are from our study. Symbol size indicates mean magnetic strength, symbol colour indicates how poloidal the magnetic
field is (red is more poloidal and blue is more toroidal), and symbol shape indicates how axisymmetric the poloidal component of the magnetic field is (more
circular is more axisymmetric). Dashed lines are evolutionary tracks for 1.2, 1.0, 0.8, and 0.6 M⊙, the dotted lines are isochrones for 10, 20, 50, and 100 Myr
(the ZAMS), and the dash–dotted line indicates where a significant convective core has formed (>50 per cent mass), from Amard et al. (in preparation).

6.3 Comparison with T Tauri stars

Younger TTS, with an age of a few Myr, also make an interesting
comparison to our sample. We consider seven stars from the MaPP
project: TW Hya (Donati et al. 2011a), AA Tau (Donati et al. 2010),
BP Tau (Donati et al. 2008a), GQ Lup (Donati et al. 2012), DN Tau
(Donati et al. 2013), V4046 Sgr A (Donati et al. 2011b), and V4046
Sgr B (Donati et al. 2011b). These stars are earlier on the PMS than
our youngest stars, and are expected to still be accreting. These stars
are chosen to be in a similar mass range as our objects (0.7–1.0 M⊙).

From Fig. 9 it is clear that TTS largely do not follow the trends
seen for ZAMS and MS stars. Their mean large-scale magnetic field
strength is about 10 times stronger than that of ZAMS stars, which
qualitatively extends the trend of decreasing magnetic field strength
with age, from the early PMS through the ZAMS and down to the
MS. However, the rotation periods of TTS are similar to those of
ZAMS stars. Hence, the difference in magnetic strength cannot re-
sult from rotational properties. Being mostly convective, TTS have
much longer convective turnover time-scales than older stars. Thus,
at a given rotation period, TTS will have smaller Rossby numbers
than ZAMS stars. This is shown in Fig. 9, where TTS have both
lower Rossby numbers and stronger magnetic fields than ZAMS
and MS dwarfs. Yet, the location of TTS in this plot is well above
the trend seen for older stars. TTS seem to have excessively strong
large-scale magnetic fields for their Rossby number compared to
the extrapolation of the magnetic field versus Rossby number re-
lationship seen for ZAMS and MS dwarfs. It is possible, although
as yet unobserved, that the energy in very small scale magnetic
structures is the same between TTS and ZAMS stars, but the large-

scale component of the magnetic field clearly undergoes a dramatic
transition. Hence, another parameter must come into play when
comparing the magnetic properties of PMS stars to those of ZAMS
and MS stars. Most notably, the large difference in internal struc-
ture between young TTS and MS stars of the same mass must play
a role. This appears to be analogous to the transition of magnetic
properties between M-dwarfs and more massive stars (Donati et al.
2008b; Morin et al. 2008, 2010).

6.4 A synthetic view of magnetic field evolution in young stars

The trends seen in the magnetic properties of stars in the mass
range 0.7–1.2 M⊙, as they evolve from the T Tauri phase through
the ZAMS and on to the MS, are summarized in Figs 10 and 11.

Fig. 10 shows the PMS and ZAMS stars in the H–R diagram, and
clearly illustrates the difference between the magnetic properties of
the TTS and the older PMS stars in our sample. The TTS large-scale
magnetic fields are much stronger, and consistently dominated by
a poloidal field aligned with the rotation axis (with the marginal
exception of V4046 Sgr A and B). The T Tauri magnetic fields
are also generally simpler, mostly heavily dominated by a dipolar
component. This is in strong contrast to the older PMS stars and
MS stars in our sample. This large difference in magnetic properties
may be a consequence of the large differences in internal structure
between the early and late PMS. The very young TTS are almost
entirely convective, while our later PMS stars have large radiative
cores. This implies a significantly different form of dynamo is acting
in the TTS. Donati et al. (2011b) proposed the development of a
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Figure 11. Magnetic parameters plotted for different physical parameters. Stars labelled in blue are from the MaPP project, stars labelled in red are from
the BCool project, and stars labelled in black are from our study. Symbol size indicates mean magnetic strength, symbol colour indicates how poloidal the
magnetic field is (red is more poloidal and blue is more toroidal), and symbol shape indicates how axisymmetric the poloidal component of the magnetic field
is (more circular is more axisymmetric). In the upper panel, dashed lines are rotational evolutionary tracks for fast and slow rotators at 0.8 M⊙ from Gallet &
Bouvier (2015).
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radiative core to explain the difference between the younger TTS
and the slightly older V4046 Sgr A and B. This is consistent with our
observation that these two stars have magnetic properties closer to
our sample than the rest of the TTS. Gregory et al. (2012) consider
this hypothesis in detail, using a sample of TTS, and compare TTS to
largely convective M-dwarfs. Another important difference between
the older PMS stars in our sample and the classical TTS is that the
latter are still accreting significant amounts of material from their
disc, while the former are well beyond the main accretion phase.
Whether the accretion process, and particularly the magnetic star–
disc interaction in TTS, impacts on their surface magnetic properties
is still to be investigated (e.g. Donati et al. 2015).

The upper panel of Fig. 11 shows the various samples in a ro-
tational evolution scheme, where rotation period is plotted as a
function of age. At similar periods, the clear differences between
TTS and ZAMS stars, discussed above, still remain. Rotational con-
vergence is seen to occur at ages larger than about 1 Gyr, and the
decrease of rotation rate for older MS stars is clearly associated
with weaker large-scale magnetic fields. However, the geometry of
the magnetic field does not seem to evolve significantly between the
ZAMS and the older MS. This supports the idea that it is primarily
dictated by the star’s internal structure, at least for rotation periods
up to 10–15 d (see Section 6.1 above).

The lower panel of Fig. 11 show the samples in a Rossby number
versus age plot, which illustrates the evolution of the magnetic
dynamo with time. As discussed above (see Section 6.3) unlike the
rest of our sample, the TTS do not follow the same trend of large-
scale magnetic field strength with Rossby number. They have much
stronger magnetic fields for their nominal Rossby number than the
rest of the stars. Indeed these magnetic fields are much stronger than
the apparent saturation value from LO Peg. This further supports
the hypothesis that the magnetic dynamo operating in these stars is
significantly different than in older stars with radiative cores.

There is evidence of two groups of stars around the ZAMS with
distinct magnetic properties. One group with ages ranging from 20
to 120 Myr seems to have systematically smaller Rossby numbers
and higher large-scale magnetic field strengths than the second
group of post-ZAMS stars at about 250 Myr. Hence, in a relatively
short time frame around the ZAMS, the magnetic properties of
young stars appear to evolve significantly (this evolution is likely
continuous but we do not yet have the observations to confirm this).
This is most likely driven by the rapid rotational evolution they
experience over a few 100 Myr at the start of the MS evolution (cf.
Gallet & Bouvier 2013, 2015). Indeed, from Fig. 11 it appears that
the magnetic properties of stars evolve much less from 250 Myr to
about 2 Gyr than they do in the first 250 Myr.

The main goal of this study was to investigate how the magnetic
properties of solar-type stars evolve with time, especially during the
dramatic change their rotation rates experience around the ZAMS.
Indeed, recent models predict that, as solar-type stars land on the
ZAMS, their radiative core should spin much faster than their outer
convective envelope (e.g. Irwin et al. 2007; Spada et al. 2011).
Furthermore, the velocity gradient at the tachocline depends on the
lifetime of the accretion disc during the PMS, and slow ZAMS
rotators are predicted to have more radial differential rotation than
fast rotators (e.g. Bouvier 2008). This could conceivably impact
the internal dynamo process, and could therefore be reflected at the
stellar surface through a variety of magnetic properties. At this point
in our study, given our limited sample size and relatively narrow
range of rotation periods investigated so far, we cannot fully assess
whether the richness of magnetic properties seen in our ZAMS
sample reveals such a trend. We find no clear differences in large-

scale magnetic field strength for a single Rossby number at different
ages, as illustrated in Fig. 11. Thus, we do not have clear evidence for
an evolution in magnetic properties with age distinct from variations
with Rossby number. The strong exception to this being the TTS,
which likely reflect an evolution in internal structure, as discussed
above. The rotational evolution models of Gallet & Bouvier (2013)
and Gallet & Bouvier (2015) predict that there is enhanced radial
differential rotation for stars just reaching the ZAMS, near 100 Myr
for stars around 0.8–1.0 M⊙. We do not see clear evidence for this
enhanced differential rotation in the surface magnetic properties
of our stars. However, there is evidence for a significant scatter
in the magnetic properties of ZAMS solar-type stars at a given
Rossby number, most notably regarding the field geometry (cf.
Fig. 11). This scatter remains to be accounted for and may be a
signature of different processes occurring within the star at a given
mass, age, and surface rotation rate around the ZAMS. Surface,
latitudinal, differential rotation is likely detectable in several of
these stars (e.g. Petit, Donati & Collier Cameron 2002), and this
will be investigated in a forthcoming paper. Intrinsic variability
in large-scale magnetic fields, on time-scales of a year or greater,
introduces further uncertainty to this study. This can be dealt with
in a statistical fashion, by observing several stars to characterize the
range of intrinsic variability; however, that requires an expanded
sample.

7 C O N C L U S I O N S

We have measured the large-scale magnetic field strengths and
topologies for 15 solar-type stars close the ZAMS, with ages ranging
from 20 to 250 Myr. The stars have a range of complex magnetic ge-
ometries, with global average strengths from 14 to 140 G. This fills
the gap between younger TTS and older MS stars whose magnetic
properties have been derived elsewhere. These new results thus pro-
vide us with a continuous picture of the evolution of magnetic field
in solar-type stars from the PMS, through the ZAMS, and down
on to the MS. We find that the evolution of magnetic properties at
young ages, from the PMS to the ZAMS, is primarily driven by
structural changes in the stellar interior, as a radiative core develops
in initially fully convective stars. This is analogous to differences
observed between K and M-dwarfs. Once on the ZAMS, however,
the subsequent evolution of magnetic properties is largely driven by
the stars rotational evolution. Indeed, we find a tight relationship
between the magnitude of the large-scale mean magnetic field and
Rossby number in our ZAMS sample, which extends to the more
mature MS sample as well. While the combination of structural
changes during the PMS and rotational evolution up to and past the
ZAMS accounts for the global evolution of the magnetic properties
of solar-type stars, a significant scatter is nevertheless observed at
each age for a given mass and rotation period. Whether this resid-
ual scatter calls for an additional parameter impacting the magnetic
properties of young stars, such as internal differential rotation and
its relationship with PMS disc lifetimes, is difficult to assess from
our limited sample. We will investigate this issue further in a forth-
coming paper by enlarging our stellar sample to a wider range of
rotation periods and ages up to 600 Myr.
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Neuhäuser R., Schmidt T. O. B., Bedalov A., 2013, A&A, 556, A53
Evans T. M. et al., 2012, ApJ, 744, 120
Folsom C. P., 2013, PhD thesis, Queen’s University of Belfast
Folsom C. P., Bagnulo S., Wade G. A., Alecian E., Landstreet J. D., Marsden

S. C., Waite I. A., 2012, MNRAS, 422, 2072
Gaidos E. J., 1998, PASP, 110, 1259
Gaidos E. J., Henry G. W., Henry S. M., 2000, AJ, 120, 1006
Gallet F., Bouvier J., 2013, A&A, 556, A36
Gallet F., Bouvier J., 2015, A&A, 577, A98
Gray D. F., 2005, The Observation and Analysis of Stellar Photospheres,

3rd edn. Cambridge Univ. Press, Cambridge
Gregory S. G., Donati J.-F., Morin J., Hussain G. A. J., Mayne N. J., Hil-

lenbrand L. A., Jardine M., 2012, ApJ, 755, 97

Gustafsson B., Edvardsson B., Eriksson K., Jørgensen U. G., Nordlund Å.,
Plez B., 2008, A&A, 486, 951
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A P P E N D I X A : I N D I V I D UA L TA R G E T S

A1 TYC 6349-200-1

TYC 6349-200-1 (AZ Cap, HD 358623, BD-17 6128) is a member
of the β Pic association (Zuckerman & Song 2004; Torres et al.
2006, 2008). Messina et al. (2010) find a photometric rotation pe-
riod of P = 3.41 ± 0.05 d. Kiraga (2012) find a photometric rotation
period of P = 3.403 d, confirming this value. We find periods consis-

tent with these values from our search with longitudinal magnetic
fields, and our search with ZDI. Therefore we adopt a value of
P = 3.41 ± 0.05 d.

This period is marginally inconsistent with our estimated radius
(0.96 ± 0.07 R⊙) and v sin i (15.8 ± 0.5 km s−1), with the radius
being too small for the period and v sin i by ∼1.5σ . This leads to
a poorly constrained inclination. Torres et al. (2006) note a visual
secondary at 2.2 arcsec separation, but it is 2 mag fainter and thus
has a minimal impact on the derived luminosity. The presence of
a second star would only serve to reduce the radius estimate lead-
ing to a worse discrepancy. There is some evidence for extinction
towards the star, with E(B − V) = 0.16. Therefore, we determined
an inclination by searching for the value that gives us a ZDI map
with the maximum entropy. This is the same procedure as that used
to determine periods from ZDI. We find a maximum entropy in-
clination of 52◦ ± 20◦. This inclination would imply a radius of
1.35 ± 0.45 R⊙. We adopt the maximum entropy inclination, but
the photometric radius (0.96 ± 0.07 R⊙) since it is formally more
precise and obtained in a fashion consistent with the rest of our
sample.

A2 HIP 12545

HIP 12545 (BD+05 378, TYC 53-30-1) is a member of the β Pic
association (Zuckerman & Song 2004; Torres et al. 2006, 2008). A
photometric rotation period for the star was determined by Messina
et al. (2010), finding P = 4.83 ± 0.01 d (note: there is a misprint
in their table 4, which has the wrong value for this period). Kiraga
(2012) found a period of 4.831 d, which confirms this value.

Our attempts to measure a rotation period from longitudinal mag-
netic field measurements produced ambiguous results, due to the
rather complicated variability of the longitudinal field. This can be
seen in the V LSD profiles, which become complicated at some
phases, but never reverse sign. The period measurement for radial
velocity produces three ambiguous values; however, one is con-
sistent with the literature period. Our measurement of the rotation
period through ZDI produced a best period of P = 4.83 d. Therefore
we can confirm the literature rotation period.

However, this period seems to be inconsistent with our derived
v sin i and radius (based on luminosity and Teff). These values imply
a period P <3.75 d, which is inconsistent with the literature values
and our best ZDI period. The v sin i should be very accurate, as the
observed line profiles are well fit by the synthetic spectrum with
rotational broadening. With a Hipparcos parallax the distance to
the star should also be accurate. However, using this distance and
the 2MASS photometry to derive a luminosity, the star falls well
below the association isochrone on the H–R diagram. This suggests
the luminosity, and the derived radius, are underestimated. The star
is still young (∼24 Myr), and there is some evidence for extinction
towards the star, with an E(B − V) of 0.17 (based on the intrinsic
colours of Pecaut & Mamajek 2013). This implies ∼0.5 mag of
extinction [assuming AV = 3.1E(B − V)]. Therefore we adopt a
mass, radius, and convective turnover time by assuming the star lies
on the association isochrone.

We derive an inclination for HIP 12545 by searching for the value
that produces a ZDI map with maximum entropy. This produces a
value of i = 39 ± 20 deg. From this inclination, our v sin i, and
rotation period, we can infer a radius and then with our Teff a lumi-
nosity. Using this luminosity to place the star on the H–R diagram,
we find a value consistent with the association isochrone, which
supports our inclination. This also argues against the photometric
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Figure A1. Sample LSD V profiles for the stars in this study.

luminosity, which is inconsistent with the association isochrone as
well as the v sin i and period.

A3 TYC 6878-195-1

TYC 6878-195-1 (CD-26 13904) is a member of the β Pic as-
sociation (Torres et al. 2006, 2008). Messina et al. (2010) find a
photometric rotation period of 5.65 ± 0.05 d. Messina et al. (2011)
updated this period to 5.70 ± 0.06 d. Our longitudinal magnetic
field period is in good agreement with these values, as is our ZDI
period. Therefore we adopt P = 5.70 ± 0.06 d.

TYC 6878-195-1 has a companion with a separation of 1.1 arcsec
and a magnitude difference of 3.5 in V (Torres et al. 2006). This
faint secondary is not clearly visible in our spectrum of TYC 6878-
195-1. However, in our LSD profile of the star there is a constant
asymmetry to the I line profile in all rotational phases. This likely is
a weak contribution from the secondary, with a radial velocity close
to that of the primary. TYC 6878-195-1 falls above the association
isochrone on the H–R diagram, but by less than 1σ , so there is no
clear evidence for the system being a photometric binary. Since the
secondary is only marginally visible in Stokes I, we assume that it
is negligible in Stokes V, and model the V profile as a single star.

A4 BD-16 351

BD-16 351 (TYC 5856-2070-1) is a poorly studied member of
the Columba association (Torres et al. 2008; da Silva et al.

2009). Messina et al. (2010) find a photometric rotation period
of P = 3.21 ± 0.01 for the star.

Our rotation period search confirms the value of Messina et al.
(2010). Our best longitudinal field based rotation period is con-
sistent with this value, although it requires a second-order fit to
achieve an acceptable χ2, suggesting a significant quadrupole com-
ponent to the field. The best-fitting radial velocity period is also
consistent with this value, although again it requires a second-order
fit. The best ZDI period is also consistent with this value, and
does indeed have a significant quadrupolar component to the mag-
netic field (∼25 per cent of the magnetic energy). Therefore we
adopt the period of P = 3.21 ± 0.01 from Messina et al. (2010),
since it is consistent with our measurements but formally more
precise.

A5 LO Peg

LO Peg (HIP 106231, TYC 2188-1136-1, BD+22 4409) is a mem-
ber of the AB Dor association (Zuckerman, Song & Bessell 2004;
Torres et al. 2008). Barnes et al. (2005) performed a detailed study of
LO Peg using a large data set of high-resolution spectra. They used
Doppler imaging (DI) to produce maps of the surface spot distribu-
tion for the star, and derived a rotation period, differential rotation,
and inclination for the star. They found P = 0.423 229 ± 0.000 048 d
(-eq = 14.86 ± 0.0027 rad d−1), .- = 0.0347 ± 0.0067
rad d−1, and i = 45.0 ± 2.5 deg. Piluso et al. (2008) per-
formed DI using a different epoch of data, and found results
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Figure A2. Longitudinal magnetic fields measured for stars in our sample, phased with the rotation periods derived in Section 4.3. The solid line is the fit
through the observations.

in agreement with Barnes et al. (2005), with some difference in
the detailed spot distribution. Kiraga (2012) measured a photomet-
ric period for LO Peg of 0.4231 d, confirming the rotation period of
Barnes et al. (2005).

Our period searches using longitudinal magnetic fields, radial
velocities, and ZDI all produced well-defined periods in agreement
with Barnes et al. (2005). We performed a differential rotation search
following the method of Petit et al. (2002), assuming their solar-like
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Figure A3. Longitudinal magnetic fields measured for stars in our sample phased with rotation period, as in Fig. A2.

differential rotation law and searching for the values that maximize
the entropy in our ZDI map. We find a value of .- = 0.2 ± 0.2
rad d−1 and -eq = 14.86 ± 0.01 rad d−1, which is only marginally
significant but in good agreement with Barnes et al. (2005). Ul-

timately we adopt the values of P = 0.423 229 ± 0.000 048 d
and .- = 0.034 714 ± 0.006 692 rad d−1 from Barnes et al.
(2005), since their much larger data set allows for more
precision.
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Figure A4. Maps of the derived magnetic fields for the stars in this study. Plotted are the radial (top), azimuthal (middle), and meridional (bottom) components
of the magnetic fields. Sub-figures are labelled by the name of the star, followed by its age and rotation period. Tick marks at the top of the figure indicate
phases at which observations were obtained.

We find a slightly larger v sin i (73.1 ± 1.1 km s−1) than Barnes
et al. (2005, 65.84 ± 0.06 km s−1). This leads to a somewhat larger
inclination (66.8+18.7

−8.5 compared to 45.0 ± 2.5 deg). It is possible that
our v sin i is influenced by spots, which have a significant impact
on the line profile shape. We find the maximum entropy inclination
from ZDI is 40 ± 10 deg, which agrees with Barnes et al. (2005),
but is marginally inconsistent with the inclination based on v sin i
period and radius. We adopt the value from Barnes et al. (2005),
since it is consistent with our value from ZDI, and not impacted as
strongly by possible systematic errors in v sin i.

A6 PW And

PW And (HD 1405, TYC 2261-1518-1, BD+30 34) is a member
of the AB Dor association (Zuckerman et al. 2004; López-Santiago
et al. 2006; Torres et al. 2008). Hooten & Hall (1990) found a pho-
tometric period of 1.745 d, although the value was somewhat uncer-
tain. Strassmeier & Rice (2006) derived a rotation period for the star
of 1.761 59 ± 0.000 06 d from photometry, and performed DI of sur-
face spots. From the DI process, they find v sin i =23.9 ± 0.2 km s−1

and i = 46◦ ± 7◦. Their DI map finds a collection of lower latitude
spots, but no polar cap.
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Figure A5. Maps of the derived magnetic fields for the stars in this study, as in Fig. A4.

Our period search produces results in good agreement with
Strassmeier & Rice (2006), for longitudinal magnetic fields
(1.77 ± 0.02 d), radial velocities (1.76 ± 0.02 d), and ZDI
(1.77 ± 0.2 d). Their v sin i is slightly larger than ours
(22.93 ± 0.24 km s−1), although the values are close. Our incli-
nation based on v sin i, radius, and period is i = 57+33

−12 deg, which is
consistent with our ZDI maximum entropy value of i = 45◦ ± 15◦.
Both of these are consistent with the value from Strassmeier & Rice
(2006), and we adopt their value of i = 46◦ ± 7◦ as it is the formally
most precise.

A7 HIP 76768

HIP 76768 (HD 139751, BD-18 4125) is a member of the AB Dor
association (Zuckerman et al. 2004; Torres et al. 2008). The star has
a photometric rotation period of P = 3.70 ± 0.02 d from Messina
et al. (2010). Our rotation period search from longitudinal magnetic
field values agrees well with this value, as does our period from
radial velocity variability, and our period search from ZDI. Our
period is formally less precise, since it was obtained over a shorter
time period; therefore we adopt the value of P = 3.70 ± 0.02 d from
Messina et al. (2010).

A8 TYC 0486-4943-1

TYC 0486-4943-1 is a poorly studied star in the AB Dor associa-
tion (Torres et al. 2008). Messina et al. (2010) report a photometric
period of P = 1.35 ± 0.02; however, they note that the period

was undetected in the periodogram for their complete time series,
making this value somewhat uncertain. We find this period is in-
compatible with the variability in our longitudinal magnetic field
measurements, our radial velocity measurements, and our period
search from ZDI. Therefore we reject this rotation period.

From our longitudinal field measurements we find a best rotation
period of 3.77 d, with a second-order fit. From the ZDI maximum
entropy period search, we find a best period of 3.73 d. These periods
phase our LSD profiles in a sensible fashion, and are compatible
with the apparent radial velocity variability we find. Therefore, we
adopt a rotation period of 3.75 ± 0.30 d.

A9 TYC 5164-567-1

TYC 5164-567-1 (BD-03 4778) is a member of the AB Dor associ-
ation (Torres et al. 2008). Messina et al. (2010) find a photometric
rotation period of P = 4.68 ± 0.06 d. Our search for a rotation
period finds results that are consistent with this value for the longi-
tudinal magnetic field, radial velocity variability, and the maximum
entropy ZDI solution. Thus we confirm the P = 4.68 ± 0.06 d value
of Messina et al. (2010), and adopt their value as it is the more
precise.

A10 HII 739

HII 739 (Melotte 22 HII 739, HD 23386, V969 Tau, TYC 1803-944-
1) is a member of the Pleiades (Hertzsprung 1947; Stauffer et al.
2007). It is likely a double star, reported to be a photometric binary
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by Soderblom et al. (1993). It is not an obvious SB2 in our spectra;
however, there is a very weak asymmetry to the wings of our LSD
line profiles. Attempting to fit the LSD profile as a combination of
two lines produces a range of nearly degenerate solutions, but the
velocity separation required is roughly 10 km s−1. There is no clear
change in this asymmetry or apparent velocity separation during our
observations. When treated as a single star and placed on the H–R
diagram, the star falls well above the cluster isochrone, and indeed
well above the ZAMS. The mass and radius implied by this H–R
diagram position are also inconsistent with our spectroscopic log g.
Thus we confirm that the star is a photometric binary, and have
tentative spectroscopic evidence for the presence of the secondary.
The mass, radius, and turnover times we adopt are based on the
association isochrone for this star.

Magnitskii (1987) reports a rotation period, based on photometry,
of P = 2.70 d. This is based on 83 observations over 39 d and, while
the data are phased well with this period, the amplitude of variability
is not much larger than their error bars, so this period probably has
a significant uncertainty. Marilli, Catalano & Frasca (1997) report a
photometric period of P = 0.904 d; however, the quality of the data
used to make that estimate is not clear. Messina (2001) reports a
photometric period of 0.917 ± 0.003 d. However, this was based on
only 14 observations distributed over 9 d (a 7 d run and a 2 d run).
This makes the accuracy of this value questionable, and likely this
period is an alias of the true rotation period. Considering the v sin i
and radius we find for HII 739, a period near 0.9 d would require
an inclination of ∼14◦, which is unlikely although not impossible
(since the probability distribution of i for randomly oriented rotation
axes goes as sin i) but this would imply an extremely large rotational
speed (veq ∼ 60 km s−1).

The variability in our LSD profiles does not phase coherently
with a 0.917 or 0.904 d period. Considering the uncertain nature of
these literature values, we reject these periods.

The longitudinal magnetic field measurements are consistent with
no variability, with the exception of the first two observations,
which were obtained 10 d before the rest of the data. It is possi-
ble this change represents an intrinsic evolution of the magnetic
field; however, the significance of this difference in Bl is not large.
A 2.7 d period does fit this data better than any period near 0.9 d;
however, the longitudinal field cannot well constrain the rotation
period.

Our period search from ZDI does not provide a unique best
period. This is due to the low amplitude of the signal in the V profiles
relative to the noise. However, the period of ∼2.7 d provides a poor
fit falling in a local maximum of the periodogram but one of the
weakest local maxima. Periods near 0.9 d provide very bad fits. By
eye, the 2.7 d rotation period does not phase the LSD profiles well;
thus, we reject this period. Instead we adopt a period of 1.577 d
that we derived from the 75 d-long continuous Kepler K2 light-
curve obtained for HII 739, which was kindly provided to us by J.
Stauffer and L. Rebull. This period phases the longitudinal field and
radial velocity data as well as the 2.7 d period, but it corresponds
to the global best period from ZDI. Thus the 1.577 d period is both
based on higher quality photometric data, and provide a better fit to
our spectropolarimetric data.

Given the uncertainty in the luminosity and photometric radius
of HII 739, we do not use the radius period and v sin i to derive
an inclination. Instead we search for the inclination which provides
the maximum entropy ZDI map, finding the value i = 51 ± 20 deg.
While this value is somewhat uncertain, it is consistent with the
radius, period, and v sin i values derived using the association
isochrone.

A11 PELS 031

PELS 031 (Melotte 22 PELS 031, TYC 1247-76-1) is a member of
the Pleiades (van Leeuwen, Alphenaar & Brand 1986; Stauffer et al.
2007). A photometric rotation period was reported by Hartman et al.
(2010) of P = 2.9190 ± 0.0003. However, this does not phase our
V profiles sensibly (and is inconsistent with our ZDI period search);
therefore, we reject this period.

The range of periods that are plausible from our v sin i and radius
are roughly 1–4.5 d (assuming 90 > i > 10 deg). From our period
search using ZDI, the best period we find is ∼2.5 d. An alternative
rotation period at 5.0 d is found, but this is inconsistent with stellar
radius and v sin i; therefore, we reject it as an alias of the real value.
The maximum in entropy at 2.5 d is relatively broad (±0.1 d), due to
the short time period the observations were collected over. However,
this maximum is unique, and substantially above any other maxima
in the periodogram. This does not provide the optimal phasing of
our longitudinal magnetic field measurements, but the phasing is
acceptable, and the variability in Bl is weak. A large number of the
V profiles of PELS 031 show ‘crossover’ signatures, with small net
longitudinal field values, consequently the longitudinal magnetic
field is not as well suited to determining the rotation period as a full
ZDI fit. These nearly constant crossover signatures suggest a strong
toroidal belt, which is confirmed by the ZDI magnetic map. The
radial velocity periodogram is ambiguous, but the strongest period
is 2.7 ± 0.2 d. Therefore we adopt 2.5 ± 0.1 d as the rotation period
for the star, but note that this is the one case where we do not have
a strong confirmation of the ZDI period through other measures.

A12 HII 296

HII 296 (Melotte 22 HII 296, V966 Tau, TYC 1799-963-1) is a
member of the Pleiades (Hertzsprung 1947; Deacon & Hambly
2004). An older rotation period measurement exists for HII 296
from Magnitskii (1987) of P = 2.53 d, based on photometry. This
period appears to phase their observations well; however, it is not
clear how precise this value is. A more recent period was measured
by Hartman et al. (2010) of P =2.608 63 ± 0.000 09 d, based on
photometry (Sloan r band). Our data was not sufficient to derive a
reliable unique rotation period for this star, largely due to the weak
amplitude of the Stokes V signatures relative to the noise. However,
in our data a period of 2.61 d is one of the two best maximum
entropy solutions from ZDI. This is strongest maximum entropy
period that is also consistent with the longitudinal magnetic field
variability. We adopt the value from Hartman et al. (2010), as it is
more precise, and more importantly it phases our observations well
for both longitudinal magnetic field and ZDI maps.

A13 V447 Lac

V447 Lac (HD 211472, HIP 109926, TYC 3986-2960-1, BD+53
2831) is a member of the Her-Lyr moving group (Eisenbeiss et al.
2013). Strassmeier et al. (2000) find a photometric rotation period
of 4.4266 d (based on 74 observations over 88 d).

Our period search for the star from longitudinal magnetic field
measurements yields several ambiguous periods, due to our rela-
tively sparse data set. However, one of the stronger minima in χ2

is consistent with the period from Strassmeier et al. (2000). We
find no clear radial velocity variability. The period search from ZDI
is similarly ambiguous; however, again one of the stronger max-
ima agrees with Strassmeier et al. (2000). Our observed v sin i is
low (4.6 ± 0.3 km s−1), but when combined with the derived radius
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(0.81 ± 0.03 R⊙), it is consistent with this period (for i = 29+5
−4).

Therefore, our data support the period of Strassmeier et al. (2000).
Since they provide no uncertainty estimate we assume a conserva-
tive uncertainty of 0.1, and we adopt the value of P = 4.43 ± 0.10 d.

A14 DX Leo

DX Leo (HD 82443, HIP 46843, TYC 1962-469-1, BD+27 1775)
is a member of the Her-Lyr moving group (Gaidos 1998; Eisenbeiss
et al. 2013). Messina et al. (1999) performed a detailed study of DX
Leo, and they find a rotation period of P = 5.377 ± 0.073 d, based on
photometry. They also derive an approximate differential rotation
of .-/-eq ∼ 0.04, based on apparently cyclical variations in their
measured rotation periods. They also attempt to map the spot distri-
bution of the star based on this photometry, (using an approximate
inclination of i = 60◦). Strassmeier et al. (2000) measured a pho-
tometric rotation period of 5.409 d, based on a smaller data set (46
observations over 91 d). This strongly supports the value of Messina
et al. (1999), and we prefer the value of Messina et al. (1999) since
it was based on a larger data set, and being slightly shorter may be
closer to the true equatorial period, due to differential rotation.

Our observations agree with the period of Messina et al. (1999).
We find a well-defined period from longitudinal magnetic field
data (P = 5.18+0.19

−0.16 d), and a consistent period from the radial
velocity variability. We also find a consistent period from our
ZDI analysis (P = 5.45 ± 0.15 d). Therefore, we adopt the value
P = 5.377 ± 0.073 d. Based on this period and our radius and v sin i
measurements, we derive an inclination of i = 58.0+8.0

−6.1, which is
consistent with Messina et al. (1999).

A15 V439 And

V439 And (HD 166, HIP 544, TYC 1735-927-1, BD+28 4704)
is a member of the Her-Lyr moving group (Gaidos 1998; López-
Santiago et al. 2006; Eisenbeiss et al. 2013). Gaidos, Henry & Henry
(2000) find a photometric rotation period of 6.23 ± 0.01 d, based
on 33 observations. López-Santiago et al. (2010) and Eisenbeiss
et al. (2013) quote a rotation period from the literature of 5.69 d, but
neither set of authors provides a reference for this value; thus, we
consider this value unreliable. Our period search with longitudinal
magnetic fields (P = 6.5 ± 0.4 d) and ZDI (P = 6.15 ± 0.20 d)
produce consistent values, but with significant uncertainties. The
radial velocity variability is very weak, and the period search from
radial velocity is somewhat ambiguous, but the dominant period
is 6.0 ± 0.4 d, with several aliases near 2 d. These periods are all
consistent with our observed v sin i and derived radius. Since all our
period estimates are in good agreement with Gaidos et al. (2000)
we adopt their rotation period.

A P P E N D I X B : SP U R I O U S SI G NA L I N L OW
S/N O BSERVATIONS

Technical problems were encountered during preparatory runs for
this project, for observations of late-type stars (G and K) with low
S/N (<70 at the peak, per spectral pixel). In these observations,
spurious signal in the diagnostic ‘Null’ was found, which appears
to also contaminate the Stokes V profile. The null spectrum is gen-
erated in a similar fashion to the V spectrum, but sub-exposures of
different polarization are combined destructively as described by
Donati et al. (1997). If the instrument is functioning properly the
null is expected to contain only noise. We have encountered this

Figure B1. Left: two sample null LSD profiles, with spurious signal (from
HII 296). Right: the same two null LSD profiles calculated using only higher
S/N orders (redwards of 500 nm). This example represents the worst case
for observations included in our analysis. The large majority of observations
were collected at higher S/N and do not have any detectable spurious signal
in the null.

problem with observations from both ESPaDOnS at the CFHT and
with Narval at the TBL. The spurious signal is only clearly visible in
LSD profiles of the stars; however, in the worst cases its amplitude
can approach that of a typical Zeeman signature in these stars.

In light of this, the CFHT engineering run 12BE96 was devoted to
investigating the problem. The conclusions from that run were that
the problem stems from imperfect background subtraction during
the data reduction phase, and that the problem can be resolved by
ensuring a peak S/N above 100. For observations of late-type stars
with S/N <70, the spectral orders far to the blue can contain only
a few counts per CCD pixel above an interorder background of a
few hundred. Thus, a small underestimation of the interorder back-
ground can have a large impact the reduced spectrum, particularly
in the blue.

On careful inspection of observations badly contaminated with
this spurious signal, we find that it is generated in the bluemost
spectral orders, where the S/N is lowest. Specifically, LSD profiles
generated using lower S/N spectral orders produce substantially
worse spurious contamination, whereas LSD profiles generated us-
ing higher S/N spectral orders have little to no spurious contamina-
tion. This is illustrated in Fig. B1. We speculate that this problem
has not been encountered in low S/N observations of hot stars due
to the lower density of spectral lines in the low S/N orders of those
observations. Both hotter and cooler stars have the majority of their
spectral lines in the blue, but for hotter stars this is near the peak
of the flux distribution. Thus for hot stars, spurious signal may be
present in the low S/N orders in the red; however, since very few
spectra lines are in the red it would likely not contaminate an LSD
profile to any detectable degree.

This matches our experience with preliminary observations for
the HMS project. For observations made after 2012, where we
maintain a S/N above 100 (typically 150) we do not encounter any
significant spurious signal. However, for some older observations
obtained with Narval at the TBL in 2009 where the S/N falls below
100, a weak spurious signal in the null profile can be observed. In
these cases, the spurious signal is generated in the bluemost spectral
orders, where the S/N is lowest.
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For observations of some stars with peak S/N between 100 and
150, while no statically significant spurious signal is found in in-
dividual observations, averaging over all observations of a star can
produce a weak but significant spurious signal in the mean null LSD
profile. This suggests that there may still be a weak spurious signal
in the observations at this S/N level. Restricting the LSD analysis to
higher S/N orders of the star (e.g. >500 nm) eliminates the spurious
signal in these mean LSD profiles.

Because of this spurious S/N problem, in the observations for
this programme we always aimed for a peak S/N above 100, and
preferably above 150. Furthermore, for all our observations we
restrict our analysis to the red part of the spectrum, >500 nm.
This ensures we avoid contamination by any potential spurious
signal. Since there is very little real signal in those bluemost orders,
discarding them has virtually no impact on the sensitivity of our
observations. Thus the restriction to >500 nm can be applied to all
observations without any loss of data quality.

APPENDIX C: EMISSION INDICES

For all the observations, we calculated indices characterizing the
emission in a few lines, following the procedure of Marsden et al.
(2014). For the calcium H&K lines, we calculated a Mount Wilson
S-index following the method of Wright et al. (2004). We used the
calibration of the S-index for ESPaDOnS and Narval from Marsden
et al. (2014), thus these values are directly comparable to the Mt
Wilson S-index measurements. The S-index was calculated using
the flux in two triangular filters centred on the H&K lines, divided
by the flux in two rectangular filters on either side of the H&K lines.
These fluxes were scaled by calibration coefficients for ESPaDOnS
and Narval from Marsden et al. (2014). We calculated similar in-
dices for the calcium infrared triplet (Ca IRT) and Hα. The Ca
IRT index consists of three rectangular filters centred on the lines
in the triplet, and a pair of rectangular filters on either side of the
triplet defining the continuum level. We also calculated an index for
Hα emission, consisting of a rectangular filter centred on Hα, and
a pair of rectangular filters on either side defining the continuum
level. These values are summarized in Table C1.

Chromospheric emission should be modulated with stellar rota-
tion. However, due to its complex structure, and large amount of
intrinsic variability, it provides a poor means of measuring stellar

Figure C1. Emission indices measured for TYC 6349-200-1, phased with
the rotation period derived in Section 4.3. Plotted are the S index (for Ca II

H&K emission), and similar indices constructed for Hα and the Ca IR triplet.

rotation. Consequently, we phase the emission indices with the stel-
lar rotation period, and generally they show coherent variability, but
we do not attempt to measure a stellar rotation period from them.
An example of emission indices phased with their stellar rotation
period is shown in Fig. C1.

Since the chromospheric structure is more complex than the large-
scale photospheric magnetic structure, the chromospheric variabil-
ity is more complicated than the disc-integrated longitudinal mag-
netic field. Furthermore, the chromospheric structure may change
more rapidly than the photospheric magnetic field, so variability be-
tween rotation cycles may be much larger for these emission indices
than the observed magnetic fields.

A P P E N D I X D : C O N V E C T I V E T U R N OV E R
TI MES

In order to calculate accurate Rossby numbers, realistic convec-
tive turnover times are necessary. In this work we used convective
turnover times computed from the evolutionary models in Sec-
tion 3.2, and take the value at one pressure scaleheight above

Table C1. Emission line indices for the stars in this study. Presented are the means and standard deviations (characterizing variability) for
the full observed data sets.

Star Assoc. S index Hα index Ca IRT index
Mean Stdev. Mean Stdev. Mean Stdev.

TYC 6349-0200-1 β Pic 8.53 0.79 0.567 0.011 1.158 0.017
HIP 12545 β Pic 6.80 0.53 0.581 0.014 1.180 0.019
TYC 6878-0195-1 β Pic 3.96 0.33 0.494 0.009 1.109 0.013
BD-16351 Columba 1.58 0.29 0.464 0.009 1.092 0.015
LO Peg AB Dor 2.52 0.29 0.593 0.015 1.186 0.016
PW And AB Dor 1.45 0.08 0.515 0.012 1.188 0.014
HIP 76768 AB Dor 4.78 1.16 0.563 0.017 1.140 0.021
TYC 0486-4943-1 AB Dor 2.55 0.37 0.452 0.006 1.024 0.006
TYC 5164-567-1 AB Dor 1.53 0.15 0.413 0.005 1.040 0.007
HII 739 Pleiades 0.53 0.01 0.368 0.003 1.048 0.007
PELS 031 Pleiades 1.93 0.26 0.454 0.006 1.086 0.011
HII 296 Pleiades 1.05 0.05 0.425 0.006 1.098 0.013
V447 Lac Her-Lyr 0.52 0.01 0.334 0.002 0.892 0.005
DX Leo Her-Lyr 0.61 0.01 0.363 0.004 0.968 0.004
V439 And Her-Lyr 0.46 0.02 0.321 0.002 0.885 0.006
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the base of the convection zone. The location of one pressure
scaleheight was chosen as this yields values the most consistent
with Noyes et al. (1984) and Cranmer & Saar (2011). This makes
our Rossby numbers the most directly comparable to many liter-
ature values. Changing the location in the model where the con-
vective turnover time is taken significantly changes the resulting
turnover time. However, this does so in a uniform fashion for all our
stars; thus, it does not change the quality of the correlation between
Rossby number and mean large-scale magnetic field strength, dis-
cussed in Section 6.1. The exponent of the power law describing this
correlation is not significantly affected by the choice of location;
however, the coefficient in front of the power law does change. This
is important in that it impacts specific value of the Rossby number
at which magnetic saturation may occur.

For the comparison sample of older field stars, discussed in Sec-
tion 6.2, we calculated convective turnover times in the same way
as for our younger sample, using the same theoretical evolutionary
tracks. Teff was taken from the references for individual stars in that
section. We rederived luminosities for the stars in a homogeneous
fashion. Luminosity was computed using 2MASS J-band photom-
etry, Hipparcos parallaxes, and the bolometric correction of Pecaut
& Mamajek (2013), and assuming negligible extinction. The excep-
tion to this is HD 131156A & B, which is unresolved in 2MASS;

thus, we use V-band photometry and the relevant bolometric cor-
rection from Pecaut & Mamajek (2013). The Teff and luminosity
were compared to evolutionary tracks and used to derive convective
turnover times.

For the comparison sample of TTS, discussed in Section 6.3,
convective turnover times were calculated in the same fashion as
for our older star samples. Luminosity and Teff were taken from the
literature sources in Section 6.3, and compared to the evolutionary
tracks to derive convective turnover times. We did not rederive lu-
minosities for these stars, given the complexities involved due to
large amounts of variability and extinction. Note that there is po-
tentially a large systematic uncertainty in these convective turnover
times. As these stars become fully convective, the location of the
dynamo may change; thus, it is not clear at what point in the star
to take the convective turnover time. We have continued to use the
value at one pressure scaleheight above the base of the convection
zone; however, this approaches one pressure scaleheight above the
centre of the star.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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